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Fig. 4.8. The optical layout within the dewar of the Sloan digital .mww survey
CCD imager. The right side of the figure labels the CCDs as to their function;
1-15 are photometric CCDs, 16-21 are mmdnoamﬂwn OO.Um, and 22 (top and
bottom) are focus CCDs. The left side gives the dimensions of the m.wnm.%..ﬂrm
labels r'—g’ denote the five seperate intermediate band Eﬂ,mwmu .mmhw.y a single
piece of glass covering all six horizontal CCDs. The scan direction is upward
causing objects to traverse the array from top o bottom. From Gunn et al.

(1998).

between colors caused by CCD crossing time and chip spacing. Complete
details of the SDSS, too lengthly for presentation here, can he found in
Gunn et al. (1998). .

The SDSS has just begun operation and is probably the largest, most
complex camera of its kind. Other projects of a similar nature are dis-
cussed in Boulade et al. (1998), Gunn et al. (1998), and Miyazaki et al.

(1998).

5
Photometry and Astrometry

One of the basic astronomical pursuits throughout history has been to
determine the amount and temporal nature of the flux emitted by an
cbject as a function of wavelength. This process, termed photometry,
forms one of the fundamental branches of astronomy. Photometry is
important for all types of objects from planets to stars to galaxies, each
with their own intricacies, procedures, and problems. At times, we may
be interested in only a single measurement of the flux of some object,
while at other times we could want to obtain temporal measurements
on time scales from seconds or less to years or longer.

We start this chapter with a brief discussion of the basic methods
of performing photometry when using digital data from 2-D arrays. It
will be assumed here that the CCD images being operated on have al-
ready been reduced and calibrated as described in detail in the previous
chapter. We will see that photometric measurements require that we
accomplish only a few steps to provide output flux values. Additional
steps are then required to produce light curves or absolute fluxes.

Some photometric output products, such as differential photometry,
require fewer additional steps, whereas to obtain the absolute flux for
an object, additional CCD frames of photometric standards are needed.
These standard star frames are used to correct for the Earth’s atmo-
sphere, color terms, and other possible sources of extinction that may
be peculiar to a given observing site or a certain time of year (Pecker,
1970).

As an introduction to the level of atmospheric extinction one might
expect as a function of observational elevation and wavelength, Table 5.1
lists values of the extinction in magnitudes resulting from the Earth’s
atmosphere for an observing site at 2,200 m elevation. Note that for
observations made at reasonable airmass and redward of 4,000 A, the
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Table 5.1. Ezample atmospheric extinction values (magnitudes)

Altitude Airmass 3000 A 3500 A 4000 A 4500 A 5000 A 5500 A 6000 A 6500 A 7000 A 2000 A 9000 A 10000 A

0.1
0.1
0.1
0.1
0.1

0.1
0.1
0.1
0.1
0.1

0.1

0.1
01
0.1
0.2

0.1 0.1
0.1 0.1
0.2 0.1
0.2 0.2
0.3 0.2

0.2
0.2
0.2
0.2
0.3

0.3
0.4

0.2
0.2
0.2
0.5

0.4

0.2
0.2
0.3
0.3
0.6
0.8

0.4

0.3
0.3
0.3
0.6

0.4
04
0.5
0.6
0.8

0.65
0.65
0.75
1.3

1.2
1.2
L.3
1.6 0.9

2.3

1.00
1.04
1.15
1.41
1.99

0.2
0.3

0.2
0.2
0.3

0.4
0.7

0.2
0.3
0.4

0.3
0.4
0.6

0.4

0.5
0.7

1.4

0.5

0.6
1.0

0.7
11

1.2
2.2

1.6
2.9

0.8
11

1.2
1.6
2.3

1.55
2.5
3.65

4.4

3.3
6.4
11.8

2.90
3.82
5.60

0.6

0.8

1.1

1.7

1.9

4.2

6.7

10.21
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effect of the Barth’s atmosphere is, at worst, a few tenths of a magnitude.
The details of photometric corrections for the Earth’s atmosphere and
extinction effects are not germane to the topic of this book and their dis-
cussion here would be beyond the allowed space limitations. The inter-
ested reader is referred to the excellant presentations in Dacosta (1992),
Hendon & Kaitchuck (1982), and Young (1974). Further good discus-
sions of photometric data handling are presented in Merline & Howell
(1995), Stetson (1987), Howell (1992), Hiltner (1962), Walker (1990),
Kreidl (1993), Howell & Jacoby (1986), and Howell, Everett, & Qusley
(1999).

5.1 Stellar Photometry from Digital Images

Prior to the time when CCDs became generally available to the astro-
nomical community, digital images of astronomical objects were being
produced by detectors such as silicon intensified targets {SITs), video
tube-type cameras, image tubes, and electronographic cameras. In addi-
tion, scanning of photographic plates with a microdensitometer resulted
in large amounts of digital output. These mechanisms produced digital
data in quantity and at rates far in excess of the ability of workers to
individually examine each object of interest within each image. Today,
the amount of CCD data greatly exceeds this limit. Thus, in the early
1980s, work began in earnest to develop methods by which photometry
could be obtained from digital images in a robust, mostly automated
manner.

One of the first such software packages to deal with digital images
was written by Adams, Christian, Mould, Stryker, and Tody (Adams
et al., 1980) in 1980. Numerous other papers and guides have been pro-
duced over the years containing methods, ideas, entire software packages
that perform photometry, and specific detailed information for certain
types of objects. I have tried to collect a fairly complete list of these
in Appendix A. While details vary, the basic photometric toolbox must
contain methods that perform at least the following primary tasks: (i)
image centering, (i) estimation of the background (sky) level, and (i)
calculation of the flux contained within the object of interest. We will
assume below, for simplicity, that we are working with stellar images
that to a good approximation are well represented by a point spread
function of more-or-less Gaussian shape. Deviations from this idealistic

assumption and nonpoint source photometry will be discussed as they
arise.
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Fig. 5.1. An example of =, ¥ centroiding. The idealized star image in the top
box sits on a pixel grid with a center of (=, v) = (10.3, 5..8. The two other
plots represent the z, ¥ centroids for the star image uogpm.p:swa to a maximum
height of one. In this case, the star center is well approximated by the peaks
in the z, y centroids. .
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Fig. 5.1. (Continued)

5.1.1 Image Centering

Probably the simplest and most widely used centering approximation for
a point spread function (PSF) is that of marginal sums or first moment
distributions. Starting with a rough pointer to the position of the center
of the star (e.g., the cursor position, reading off the z, y coordinates,
or even a good guess), the intensity values of each pixel within a small
box centered on the image and of size L x L (where I is comparable to
the size of the PSF) are summed in both z and y directions (see Figure
5.1). The z, y center is computed as follows: The marginal distributions
of the PSF are found from

=L
= M I ;

j=-L
and
i=L
Ji=3_ L
t=—L
where I; ; is the intensity (in ADU) at each z, y pixel; the mean inten-

sities are determined from

i=L

= 1
T=gri 2%



80 Photometry and Astrometry
and
=L
- 13
T=5557 2 %
J=—L

and finally the intensity weighted centroid is determined using
Dighy (Fi — D)z
Lo = - =
°T mi=L (L -1I)

1=

for all I; — I > 0 and

_ MWMWH\QQ. — J)y;

Yo = 22 A
DEE (- )

for all J; —J > 0.

For well-sampled (see Section 5.6), relatively good S/N (see Section 4.4)
images, simple z, ¥ centroiding provides a very good determination of
the center position of a PSF, possibly as good as 1/5th of a pixel. More
sophisticated schemes to provide better estimations of image centers or
applications appropriate to various types of non-Gaussian PSFs are given
in Davis (1994), Massey & Davis (1992), Lasker et al. (1990b), Stone
(1989), Penny & Dickens (1986), Chiu (1977), and Howell et al. (1996).

5.1.2 Estimation of Background

The importance of properly estimating the background level on a CCD
resides in the fact that the same pixels that collect photons of interest
from an astronomical source also collect photons from the “sky” or back-
ground, which are of no interest. Remember that the background or sky
value in a CCD image contains not only actual photons from the sky
but also photons from unresolved astronomical objects, read noise, ther-
mally generated dark cwrrent electrons, and other sources. All of these
anwanted additional photons must be accounted for in some manner,
estimated, and removed from the image before a final determination of
the source flux is made. In order to determine this background level, a
common technique is to place a software annutus around the source of
interest and then use statistical analysis to estimate its mean level on a
per pixel basis. _

The background or sky annulus is usually defined by an inner and
outer tadius or by an inper radius and a width (see Figure 5.2). One
simple, yet powerful, manner by which an estimation of the background
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Column Pixels

Row Pixels

Fig. 5.2, Schematic drawing of a stellar ima, i i

: ge on a CCD pixel grid. The figu
shows the location of the star, the “star” aperture (solid :bmmamam the mmuww
and outer “sky” annuli (dashed circles).

level can be made is to simply extract the values of all the pixels within
the annulus, sum them, and divide by the total number of pixels within
the annulus. This provides an average value per pixel for the background
level of the CCD image. For a good statistical determination of the
background level, the total number of pixels contained within this annu-
lus should be relatively large, about three times the number contained
within that of the source aperture (Merline & Howell, 1995).T A more ro-
bust estimator, requiring very little additional work, is to collect all the
pixel values from inside the sky annulus, order them in increasing value
and find the median intensity, Bas.} A nice touch here is to Hmmxmﬁmzm.

t Partial pixels arisin i i
> g from placing a circular annulus on a rectangular grid
:..mcmw:u.. not OM. Wounmnu Umm—,m, as the number of annulus pixels is large. m..m..éménmwmhm,%
pixels cannot be so easily dismissed when we are det ini i ity withi
Mrm e e ctermining the intensity within
Note that ﬁ.ro mﬁwﬁ.mmﬁo& values determined from a CCD image for the median or the
wdome must pick aﬂm:ﬁ answer from the list of the actual COD pixel ADU values, that
wmm.“r <&z8. ﬁw._ma are integers containing only digitized levels and thus digitization ..gommm.
o um Mﬂwmm.anﬂ Emwnv woﬂm<mn. allows for noninteger answers. This seemingly subtle
is of great importance when dealing with ial pi
e oD o ek , g with partial pixels, undersampled data,
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the list of annulus pixel values and toss out all those with values greater
than +3¢ from Bjs. This last step will eliminate cosmic ray hits, bad
pixels, and contamination from close by astronomical neighbors if they
exist,

When applying a median filter and the 3o cutoff technique to the list
of background pixels, one can use the remaining annulus pixel values
to construct a background histogram computed with a bin width res-
olution of say 0.5 ADU (Figure 5.3). The background histogram will
be centered on the median background value with all contained pixel
values within ++3¢. Since the detailed resolution of 0.5 ADU binning

300

200 —

(ount

100 g

Pixel Bin

Fig. 5.3. Histogram of the “sky” annulus around a star in the CCD image
shown in Figure 4.5. Notice the roughly Gaussian shape to the sky distribution
but with an extended tail toward larger values. This tail is due to pixels that
were not completely calibrated in the reduction process, pixels with possible
contamination owing to dark current or cosmic rays, pixels with increased
counts owing to unresolved PSF wings from nearby stars, and contamination
of sky annulus pixels by faint unresolved background objects. The need for
some histogram smoothing, such as that described in the text, is apparent,
especially near the peak of the distribution.
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will likely produce a ragged histogram (since only a finite number of
background pixels are used), some smoothing of the histogram may be
useful, such as that done by Lucy (1975). Lucy smoothing will broaden.
the histogram distribution slightly after one iteration but application of
a second iteration will restore the correct shape and provide a smooth
histogram from which to proceed. This final step produces a statistically
valid and robust estimator from which we can now compute the mean
value of the background, B. A determination of the centroid of the final
smoothed histogram, using equational forms for the centroid in one di-
mension such as those discussed above, can now be applied. Centroiding
of this smoothed histogram is not influenced by asymmetries that may
have been present in the wings of the initially unsmoothed values.
Correct estimation of the level of the CCD background on a per pixel
basis is of increasing importance as the S/N of the data decreases and/or
the CCD pixel sampling becomes poor. A background level estimation
for each pixel that is off by as little as a few ADU can have large effects
on the final result (Howell, 1989). Determination of the CCD background
level has an associated error term o (1 +npix/n5) %2, which should be
included in the'S/N calculation of the final result (see Section 4.4).

5.1.83 Estimation of Point Source Intensity

‘We now come to the pixel values of interest, that is, those which contain
photons from the source itself. Using a software aperture of radius r
centered on the x, ¥ position of the centroid of the source PSF, we can
extract the values from all pixels within the area A (= 77?) and sum
them to form the quantity S, the total integrated photometric source
signal. The sum S contains contributions from the source but also from
the underlying background sources within A as well. To remove the
estimated contribution to S from the background, we can make use of the
value B, discussed above. We can calculate an estimate of the collected
source intensity, [, as [ = § — zwmxm, where npi, is the total number
of pixels contained within the area A. There are some additional minor
considerations concerning this procedure but these will not be discussed
here (Merline & Howell, 1995).

A final step usually performed on the quantity I, which we will dis-
cuss further below, is to determine a source magnitude. The value of a
magnitude is defined by the following standard equation:

Magnitude = —2.5log;o(1) + C,
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where I is the source intensity per upit time, that is, the flux (univer-
sally given as per second), and C is an appropriate constant {usually
~23.5-26 for most earthly observing sites) and determined in such a
manner so that the calculated source magnitude is placed on a standard
magpitude scale such as that of the Johnson system or the Stromgren
system.

As we mentioned above, when using circular apertures on rectangu-
lar pixel grids, partial pixels are inevitable. While we could toss them
away for the large background area, we cannot follow a similar sloppy
procedure for the smaller source aperture. Thus the question becomes,
how do we handle partial pixels? This is not a simple question to answer
and each photometric software package has its own methodology and
approach. The three choices a software package can use are:

1. Do not use partial pixels at all. Any source intensity that falls into
the source aperture but within a partially inscribed pixel is simply
not used in the calculation of S.

2. Sum the values for every pixel within the source aperture regardless
of how much or how little of the pixel area actually lies within A.

3. Make use of some computational weighting scheme that decides, in
a predefined manmer, how to deal with the counts contained within
each partial pixel in the source aperture.

This last choice often uses the ratio of the pixel area inside the source
aperture to that outside the aperture as a simple weighting factor. A
computational scheme to handle partial pixels in a software package de-
signed to perform digital photometry is the hardest of the above choices
to implement, but it will provide the best overall final results. To know
exactly how a certain software package handles partial pixels, the user
is referred to the details presented within the documentation provided
with the software. Many PC-type packages that perform photometry on
CCD images do not detail their partial pixel and magnitude calculation
methods and are therefore “black boxes” to be avoided.

There are two basic methods by which most observers estimate the
total integrated signal within their source aperture: point spread func-
tion fitting and digital aperture photometry. The first method relies on
fitting a 2-D function to the observed PSF and using the integrated
value underneath this fitted function as an estimate of S. The second
method, digital aperture photometry, attempts to place a software aper-
ture about the source profile (as shown in Figure 5.2), centered in some
manner (eg., &, ¥ centroids), and then simply sums the pixel values
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within the source aperture to provide the estimation of 5. We will dis-
cuss each of these methods in turn below and note here that it is unlikely
ﬁwmﬂ a single method of estimation will be the best to use in all possible
m_.gmﬂonm. For example, for severely undersampled data the method of
pixel mask fitting (Howell et al., 1996} provides the best solution.

5.2 Two-Dimensional Profile Fitting

H.wm profiles of astronomical point sources that are imaged on fwo-
dimensional arrays are commonly referred to as point spread functions
or PSFs. In order to perform measurements on such images, one method
of attack is profile fitting. PSFs can be modeled by a uﬁao,mﬂ of mathe-
matical functions, the most common include Gaussian,

LG m?hwl ,

modified Lorentzian,

1

L(r —_—
(r) o< 14 (r?/a?)t’

and Moffat,
1

representations, where r is the radius of the point source and a and b
are fitting parameters (Stetson, Davis, & Crabtree, 1990). These types
& functional forms can be used to define the PSF for each star within an
image by the assumption that they provide a good representation of the
data itself. For example, adjustment of the values of @ and b within one
of these functions may allow an imaged PSF to be matched well in radius
and profile shape {(height and width), allowing a simple integration to
be performed to measure the underlying flux.

Generally, the above functions are only a fair match to actual PSFs
and so a second method of profile fitting can be applied. This method
consists of using an empirical PSF fit to the actual digital data itseif
Eog.cowsm modified versions of the above functions. Depending on Eﬁw
application, PSFs may be evaluated at the center of a pixel or integrated
over the area of each pixel. Even more general methods of allowing the
data to produce completely analytic forms for the PSF functions have
been attempted. The techniques and use of empirical PSFs could fill an

entire chapter; we refer the reader to Stetson (1987), Di
: apter; iego (1985), and
King (1971) for more details. ) Do e

M(r) «
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Fig. 5.4. Stellar PSFs are shown for various cases. The figure m,comé.“ mnwmﬁ.w
Sqm. B.on.r& PSFs, one for a bright star hm\ZQH.wmv wb.a one for a mﬂp S
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actual CCD data. Note that the models are shown as 3-D pixel histograms
whereas the real data are represente

d as spline profile fits to the actual PSFs.
The disadvantage of the latter type o

f plotting is that the true pixel nature of
the image is lost.

Both techniques, the use of completely mathematical moz.ﬂm for a
PSF approximation and the more empirical method, have their advan-

tages and disadvantages. Model PSF fitting allows the necessary integra-

tions and pixel interpolations to be carried out easily as the functions

are well known, while the empirical method, which makes hardly any
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Fig. 5.4. (Continued)

assumptions about the actual shape of the PSF, is only defined on the
CCD pixel grid and not in any general mathematical way. This latter
complication can cause difficulties when trying to interpolate the empir-
ical shape of one PSF somewhere on the CCD (say a bright reference
star) to a PSF located somewhere else on the same image but that is
likely to have a different pixel registration. For this reason, some im-
plementations of empirical PSF fitting actually make use of the sum of
an analytic function (such as one of those given as above} and a look-
up table of residuals between the actual PSF and the fitting function.
Figure 5.4 shows examples of some PSF models and some actual PSFs
obtained with CCDs.
Procedurally, profile fitting techniques work by matching the implied
PSF to the actual digital data in a 2-D fashion and within some radius,
r, called the fitting radius. An attempt is then made to maximize some
goodness-of-fit criteria between the assumed PSF and the observed one.
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PSF fitting can be further optimized by fitting N point sources within
the image simultaneously (usually one uses the brightest stars within the
image) and using some combination of statistically weighted mean values
for the final fitting parameters. PSF fitting can be very computationally
demanding, much more so than the method of aperture photometry dis-
cussed below. However, for some types of imagery, for example crowded
fields such as within star clusters for which some PSFs may overlap, PSF
fitting may be the only method capable of producing scientifically valid

results (Stetson, 1987).

5.3 Aperture Photometry

Aperture photometry is a technique that makes no assumption about
the actual shape of the source PSF but simply collects and sums up
the observed counts within a specified aperture centered on the source.
The aperture used may be circular {usually the case for point sources),
square, or any shape deemed useful. Aperture photometry is a simple
technique, both computationally and conceptually, but this same sim-
plicity may lead to errors if applied in an unsuitable manner or when
profile fitting is more appropriate.

The basic application of aperture photometry starts with an estimate
of the center of the PSF and then inscribes a circular software aperture
of radius r about that center. The radius r may simply be taken as three
times the full-width at half-maximum (r =3- FWHM): the radius of a
PSF that would contain 100% of the flux from the object (Figure 5.5}
(Merline & Howell, 1995). Summing the counts collected by the CCD
for all the pixels within the area A = 7r?, and removing the estimated
background sky contribution within A, one finally arrives at an estimated
value for . We see again that partial pixels (a circular software aperture
placed on a rectangular grid) are an issue, even for this simple technigue.
Using a square OT rectangular aperture alleviates the need for involving
partial pixels but may not provide the best estimate of the source flux.
Noncircular apertures do not provide a good match to the 2-D areal
footprint of a point source, thereby increasing the value of np;x that must
be used and decreasing the overall S/N of the measurement. Remember,

however, that for bright sources, npix is essentially of no concern (see
Section 4.4).

It has been shown (Howell, 1989; Howell, 1992) that there is a well-
behaved relation between the radius of the aperture of extraction of a
point source and the resultant S/N obtained for such a measurement.
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An optimum radius aperture, that is, one that provides the optimum o
best S/N for the measurement, can be determined for any given _.umm_n
and geperally has a radius of near 1. FWHM. This ovagcbw radius is
wqummw function wm the source brightness, becoming smaller in size for
&Mw Mbmomwommﬂammmﬁm 5.6 illustrates this idea for three point sources of
.Ho understand the idea of an optimum radius and why such a ra-
aEm.mwocE exist, one simply has to examine the S/N equation given i
Section 4.4 in some detail. To obtain a higher S/N for a given Mommcuu
ment, more signal needs to be collected. To collect more signal, one om._w
use a larger aperture radius, up to the maximum of w.m.émug How-
ever, the larger » is, the more pixels that get included within the .moE.,o
m%mw.p_.:am and the larger the value of 7. As npi increases, so does ﬁrm
.oouﬁ&zaoa to the error term from noise sources other ﬂww,s the sour .
Hm.mw.m. ..mem, a balance between inclusion of more signal (larger r) NMM
minimizing 7pix in the source aperture (smaller r) leads to an optimum

extraction radius for a given source.

<.<o saw in Figure 5.5 that if extracted at or very near an aperture
radius of 3- FWHM, 100% of the light from a point source would be col
lected. However, to obtain the maximum S/N from your measure : oon.
extraction at a smaller radius is warranted. If one extracts the M%Mabom
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signal using an aperture that is smaller then the actual va.u.u E&upm :Umm:w
some of the source light that was collected by the CCD pm.boﬂ Eo.En_m

in the summing process and is thus lost. This mo:.u&m like an incor-
rect methodology to use, but remember that Eo.EmHou of ﬁ.mﬁ% Hunﬁ.w_m
lying far from the source center also means inclusion of additional noise
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contributions to the aperture sum. Therefore, while one may wish to
obtain the maximum S/N possible through the use of a smaller aperture
(i.e., summation of less than the total collected source counts), for the
final result it is often necessary to correct the answer obtained for this
shortcoming.

In order to recover the “missing light,” one can make use of the process
of aperture corrections or growth curves as detailed by Howell (1989)
and Stetson (1992). Growth curves do not make any demands on the
underlying PSF except through the assumption that any bright stars
used to define the aperture corrections are exact PSF replicas of any
other (fainter) stars that are to be corrected. As we can see in Fig-
ure 5.7, growth curves for the brightest stars follow the same general
shape, leading to minor or no necessary aperture corrections at a ra-
dius of 3-FHWM. The fainter stars, however, begin to deviate from
the canonical growth curve at small radii, resulting in 0.5 up to 1.5
magnitudes of needed aperture correction. In general, as a point source
becomes fainter, the wings of the source will contain pixels that have
an increasingly larger error contribution from the background, leading
to greater deviations from a master growth curve at large r, and thus a
larger aperture correction will be needed.

As we will see below, if differential photometric results are desired,
the aperture corrections used to bring the extracted source signal back
to 100% are not necessary. This is only strictly true if all point sources
of interest (those to be used in the differential measures) are extracted
with the same (optimum) aperture’ and have identical PSFs.

5.4 Absolute versus Differential Photometry

Whether an observer needs to obtain absolute or differential photometric
measurements depends on the objectives of the scientific and observa-
tional program. Absolute photometry results in a measurement of a given
astronomical source leading to the true level of the flux received, say in
ergs sec™!, or the total luminosity of a source in ergs, each within the
specific bandpass used (e.g., a Johnson R filter). Differential photometry

t Note, it is likely that on a given CQCD image all stars of interest will not be of
exactly the same brightness and will therefore not all have exactly the same optimum
aperture radius (see Figure 5.6). Thus, a compromise is usually needed in which the
extraction radius used for all sources of interest is set to that of the optimum size for
the faintest stars. This procedure allows the faintest sources to produce their best
possible S/N result while decreasing the S/N for bright stars only stightly.
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is just that: The final result is only known with respect to one or
more other sources. This is a relative measurement, which, if the other
source(s) are known in an absolute manner, can be placed on an abso-
lute scale. All scientific measurements are really differential ones. The
difference between absolute and differential measurements is simply that
differencing from a known (in an absolute sense) source allows for an
absolute result, whereas differencing from an unknown (in an absolute
sense) source can only produce a relative result.

In photometric work one can view this in the following way. If the star
Vega has its absolute flux known as a function of color {Tdg, White, &
Lockwood, 1977), then a comparison of an unknown star with Vega
would allow one to calibrate the unknown in an absolute sense. This
differential measurement would produce an absolute result. However, if
two unknown sources are compared over time, one may be seen to vary
periodically allowing a scientific result to be produced, but its absolute
flux jis unknown. This is a differential measurement that produces only
a relative result. If you are concerned about the true brightness of an
object, say within a standard photometric system, or its color (e.g., B)
in order to place it on an H-R diagram or to obtain its age or metallicity,
then absolute photometry is needed. However, if you are after relative
variability, say for periodicity analysis, or color indices {e.g., B—V) of
a large group of stars such as a cluster in which you are looking for
outliers, then differential photometry is likely to suffice.

A discussion of the observational and reduction techniques involved in
absolute photometry is beyond the scope of this section. The reader is
referred to any of the numerous books and articles that discuss the con-
version of digital photometric data to (absolute) magnitudes and stan-
dard photometric systems (e.g., Dacosta (1992), Hendon & Kaitchuck
(1982), Hiltner (1962), and Young (1974)). The observational method-
ologies and equational transformations used to convert from CCD in-
strumental magnitudes to standard photometric system magnitudes are
essentially identical to those used for similar observational programs with
photomultiplier tubes (PMT). Absolute photometry from CCD data has
been shown to be just as reliable and every bit as good as PMT mea-
surements (Walker, 1990; Kreidl, 1993; Young, 1974). At the present,
typical very good values for errors in the source magnitude for a abso-
lute photometric result from CCD observations are £1% or less.

Differential photometry concerns itself with the measurement of the
difference in brightness of one or more astronomical sources when com-
pared with one or more reference sources. With a two-dimensional CCD
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array, unlike the situation when using a PMT, it is often the case Mrm;
multiple sources are imaged simultaneously and can therefore be used as
references by which to compare the source(s) of interest. The assump-
tion that is made in this simple approach is that the reference m.ozaomﬁmu
is not variable (at least over the time period of the observation} and
the object(s) of interest can be compared with the H.ammHm.som source(s)
on a frame by frame basis. The last step is important .mm ;.omunm_m out
any seeing or atmospheric effects that may change with time. Proper
statistical comparison of the object of interest and the _.,o».mw,.ﬁwooﬁ.mv must
take into account all sources of error as well as photon statistics in order
to use differential photometry correctly (Howell & Jacoby, memm mos.m.:m
1992; Howell, Mitchell, & Warnock, 1988; momm.%oﬁﬁ 1992). Differentia
techniques allow one to obtain incredible vwmowmﬂowm from OOU. mmaw. ﬂoH
example, photometric errors of near £0.001 magnitude wﬂo easily o dm_ﬂl
able with differential techniques and even higher cH..on_oum. approac T.
ing or reaching the theoretical limit, have been realized {Howell, 1993;
Gilliland et al., 1993; Howell et al., 1999; Howell, Everett, & Ousley,

1999).

5.5 Astrometry

The science of the exact location and possible movement of astronom-
ical sources has also been greatly advanced through the use of CCDs.
Differential astrometric measurements of 1 milliarcsecond Aﬁmmv or bet-
ter are achievable today, yielding new information oH.H vom_s.oupm, proper
motions, and parallaxes of astronomical objects. In differential mm.ﬂmvg?
try, one measures the position of an object with respect to o?mﬁ. ob ._mnyﬂ.m
within the same CCD field of view. This type of Emmmﬁmgmﬂ is appli-
cable to point source PSFs (e.g., stars) as well as moving objects (e.g.,
comets) and fuzzy objects (e.g., galaxies); ?H.v%méﬁ the two latter QMMm
of object have additional complexities not discussed here (Monet et al.,
1991: Lasker et al., 1990a; Monet, 1992). . .

Astrometric information is one method by which distance Qmmmnaﬁmw
tion may be made for an object of interest. Of course wwx.w desire .mon. a
distance does not always translate into the ability to obtain such infor-
mation. In general, in one night of obtaining a mméumoom CCD owﬂmm?,m.
tions, the determined position for a “mell-behaved” star can be known
to an astrometric accuracy of about 3 mas. A few tens .Om CCD frames
taken over the course of a year (at a minimum of three different mmoow&
will allow astrometric accuracies near +1 mas to be reached, while the
best astrometric positions to date have errors of +0.5 mas or less.
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Astrometry performed with front-side illuminated CCDs will suffer
from the effects of the overlying gate structures in ways such as we have
discussed previously; that is, locating the exact center of the PSF is not
without bias. The front-side gates must be traversed by incoming pho-
tons leading to a decreased (or no) blue response, intrapixel variations
in photometric (QE) response (Jorden, Deltorn, & Oates, 1994), and the
need to use color terms to adjust the measured PSF centroid position to
that of the actual source position. We will discuss an interesting CCD
effect caused by intrapixel QE variations in the next chapter.

Back-side illuminated CCDs present a different situation for astro-

metric work entirely. As mentioned earlier, their response to blue light
is much improved and no major source of intrapixel deviation exists.
The physical flatness of a back-side illuminated CCD over its surface
can be of concern and can introduce an additional term to be corrected
for when measuring source positions and relative source offsets. Addi-
tionally, thinned CCDs may allow very long wavelength light to pass
entirely through the device, be reflected back into the CCD itself, and
collected at a slightly different location (e.g., a neighboring pixel) than
its original incoming path location. This long wavelength reflection ef-
fect can cause a slight blurring of the measured light from the source,
a particularly worrisome issue for astrometry of very late type stars.
The best astrometric measurements to date, that is, the ones with the
smallest rms error and greatest repeatability, have all been made with
thinned, back-side illuminated CCDs.

As with any CCD imaging or photometric observation, the use of a
particular type of CCD and filter combination will produce a different
effective wavelength of the imaged scene and thus a change in the relative
positions of different sources as a function of the zenith distance of the
observation and the color (spectral type) of each individual source. There
is no simple or even complete solution to this issue of differential color
refraction but there are some items to note.! The use of narrow band
filters in front of your CCD is of help in this situation because such
filters greatly restrict the bandpass of the observation, thereby reducing
the effects of differential refraction and color terms. However, the use
of narrow band filters is usually impractical owing to the large loss of
incoming signal from the astronomical sources of interest. Astrometric

-observations made in long wavelength (red) bandpasses have merit as

they eliminate much of the refractive effects to start with. Finally, CCD
observations obtained near source meridian passage are also a plus given

* While reading the remainder of this paragraph, the reader may wish to skip ahead
and glance at Table 6.2. ,
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that for an airmass of 1.0, refractive changes are essentially N.mwo within
the entire OCD field of view. Details of astrometric observations and a
discussion of such effects is presented in Monet et al. (1991) and Monet
& Dahn (1983). . .

Issues of related concern for precision astrometry E<ow<o.HEmma focus,
seeing, use of different filters, PSF stability, ﬂ.&mmnovm oo.EEmﬁﬁwP and
many others (Monet, 1992). Detailed information concerning one’s CCD
is vital when attempting precision astrometry. mg. example, ﬁw.m mﬁmbama
pixel size value available in most of the literature for a 5-883&, pixel
TI CCD states that the pixel size is 15 microns across. moéowmﬁ the true
pixel size is 15.24 microns, a difference of one quarter m.vm a pixel, a value
that can cause significant errors in precise astrometric Bmmmﬁ.nmsmﬁm.
Finally, even more subtle effects such as nonuniformly mﬁ@nmm pixels @M&
improperly produced pixels that differ slightly AEHW& in size must be
considered. The bottom line is, as in all cases where highly precise results
are desired, one must know thy CCD in great detail. . .

Data reduction methods of CCD images from which astrometric mea-
sures are to be obtained are similar to those discussed above for general
CCD imagery. The differences in the process occur évo.w .Spo mump. re-
duced frames are to be used to produce output astrometric Emow,n.pmﬂow.
The interested reader is referred to the discussions and results given in
Monet et al. (1991), Lasker et al. (1990a), Monet (1992), and Monet &

Dahn (1983).

5.6 Pixel Sampling

An important consideration in photometric and astrometric measure-
ments made with a CCD is how well the PSF is sampled on the ?...8:
dimensional array. PSFs that are well sampled by a CCD cdmmuﬁ%ww
will lead directly to the result that the center and mwmﬁ.m of the PSF will
be known to higher precision, and thus one will ogmww a final answer
that will be of higher accuracy. We can define a sampling parameter; 7,
as follows (Howell et al., 1996; Buonanno & Iannicola, 1989):

_ FWHM
T p

where FWHM is the full-width half-maximum value of A,&.m source PSF
and p is the pixel size, both values given in the same units. For r less
than about 1.5, digital data are considered undersampled. As can be
seen from the above expression, r will be small for the case of a CCD

r ’
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with large pixel sizes compared with the total areal coverage of the im-
aged PSF. The.other possible case of small r values is if the CCD image
contains very tight PSFs such ags those that might be obtained at observ-
ing sites with very good seeing, if using adaptive optics systems, or for
CCD images obtained outside the Earth’s atmosphere (i.e., space-based
telescopes). Real life examples of cases that will produce undersampled
images (i.e., small r values) are a typical wide-field telescope outfitted
with a large-format CCD, such as a Schmidt telescope or a camera lens,
or & space-based telescope such as the Hubble Space Telescope wide-field
planetary camera (WFPC) (Howell et al. (1996), Holtzman (1990), and
Section 7.1). ,

Anytime the value of r approaches the limiting case of undersampling,
standard software methods and techniques of astrometric and photio-
metric data analysis will begin to produce increasingly larger errors and
poorer fits as r decreases further (see Section 7.1). Photometric and as-
trometric errors obtained from CCD observations are related in that the
analysis techniques for each type of measurement are very similar. Both
photometry and astrometry require intimate knowledge of the centroid
position of the source PSF. However, it has been shown (Stone, 1989;
Howell & Merline, 1991; King, 1983) that for undersaropled data the
photometric error is least for source PSFs that are centered on the edge
of a pixel or exactly at its center, whereas for astrometric data, the re-
sulting error is least when the source PSF is centered midway between
a pixel’s edge and its center.

The rule of thumb for pixel sampling on a CCD follows directly from
the statistical result of Nyquist sampling. That is, sanmpling of the PSF
of an astronomical source will be optimal in terms of S /N, error rejec-
tion, data analysis, and so on for a source PSF that has its FWHM value
sampled over about two pixels (i.e., FWHM ~ 2 - pixel size). For exam-
ple, if the average seeing at an observing site produces source PSFs with
FWHM values of 2 arcsec, then an ideal (optimal) CCD pixel size to use
would be one for which each pixel within the array has a projected image
size of 1 arcsec across.” A rigorous mathematical definition of undersam-
pling, based on the Nyquist theorem, identifies critical sampling as the
sampling interval that is equal to the width (i.e., standard deviation)
of the PSF. For a Gaussian PSF this corresponds to a FHWM equal to
2.355 pixels. Of course an ideal image scale is hard to meet in reality
as seeing and telescope focus change with time, source PSFs generally

* The determination and measurement of CCD pixel size or plate scale was discussed
in Section 4.1.
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. . -
i 8. The effects of pixel sampling are shown. The top PSF is a we
M“W%mw star image with a S/N of near 230. The bottom panel mwmﬂcmowrm
same PSF but now severely undersampled m.s& omnnmumn_.mﬂ._ EaHmA H.M: &rmﬂ i
pixel and (next page) at the corner of four pixels H.mmwmoﬁim_%.m ote mm.noB
undersampled profiles are not well represented by a Gaussian function.

Howell et al. (1996).
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Fig. 5.8. (Continued)

do not fall onto the CCD pixel grid exactly on a pixel boundary, and
one generally has only a limited number of available CCD cameras with
fixed pixel sizes.

Since CCD detectors do indeed sample astronomical sources in a quan-
tized manner, pixel sampling within the array will cause even identical
PSF's to change their detailed appearance slightly, even within the same
observation. The effects of such sampling differences become worse as
the sampling parameter (r) becomes smaller (Merline & Howell, 1995;
Howell & Merline, 1991). Figure 5.8 illustrates some examples of various
values of r caused by CCD pixel size. The top panel shows a well-sampled
source PSF that appears to be more or less Gaussian in shape. The re-
maining two panels in Figure 5.8 show the same model PSF but now
imaged as a poorly sampled (r = 1) source. The undersampled cases are
for a source PSF with a pixel-centered centroid and a corner-centered
centroid respectively. Notice in Figure 5.8 that the undersampled P8Fs
are not well represented by a Gaussian function (Howell et al., 1996;
Buonanno & Iannicola, 1989; Howell & Merline, 1991; Holtzman, 1990).
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Although imaging and photometry have been ms&. ownaacm to be E&.ﬂ.
stays of astronomical observations, spectroscopy 15 Emmo.g wrm premier
method by which we can learn the physics that Onn.:_.m within and near
the object under study. Photographic plates obtained the first mmﬂ;.o.
nomical spectra of bright stars in the late nineteenth century, while

the early twentieth century saw the hand-in-hand @m&o@ﬁmsw of as-
tronomical spectroscopy and atomic physics. LPmS.oE.uEEmm spectroscopy
with photographic plates, or with some method of image omrmz.omaoi..
placed in front of a photographic plate, has led to nc,BmHoﬂ._m discover-
:es and formed the basis for modern astrophysics. Astronomical spectra
have also had a profound influence on the development of ﬁrw fields of
quantum mechanics and the physics of extreme muigwﬁ.wmﬁm. The low
quantum efficiency and nonlinear response of photographic plates placed
the ultimate limiting factors on their use. . .
During the 1970s and early 1980s, astronomy m@.ﬁ. the Eﬁuoaﬂ.ﬁﬁow
of numerous electronic imaging devices, most of which were .Buﬁ:mm as
detectors for spectroscopic observations. Television-type amﬁoo.m, diode
arrays, and various silicon arrays such as Reticons were called E.g use.
They were a step up from plates in a number of wmmvmo.nm“ one .Om which Mmm
their ability to image not only a spectrum of an object of interest, but
simultaneously, the nearby sky background mvmodwﬁg as well - a feat de
always possible with photographic plates. »P&&Sob.mz% and Emd as me
portant, were the advantages of higher ogwwwm&.ym signal-to-noise Hmeo..mq
higher quantum efficiency, and very good linearity m<9,, a large a%nmﬁzo
range. These advances permitted spectral observations of much fainter

f Extreme physical environments, such as very Emw temperatures, me.ﬂ_ofo fields,
and gravitational fields, are not often available within earthly laboratories.
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sources than were previously available. Two-dimensional spectroscopy
allowed the large error contribution from the often unknown sky back-
ground to be removed during data reduction procedures. However, the
above electronic devices still had their problems. Use of high voltage,
which caused distortions in the image, and the often low dynamic range
both limited the ability to numerically resolve strong spectral lines from
a weak continuum or to resolve weak lines in general.

The introduction of CCD detectors for use in astronomical spectros-
copy was quick to follow their introduction into the field of astronomy
itself. One of the first devices put into general use for astronomical spec-
troscopy was a Fairchild CCD placed into service at the Coude’ feed
telescope on Kitt Peak circa 1982. This author remembers that particu~
lar device and the remarkable advance it made to astronomy at the time.
Observing without photographic plates was amazing.” The introduction
of CCDs allowed test observations to be made, no chemical develop-
ment was needed, you could view your data almost immediately after
taking it, and mistakes caused you very little in lost time. In addition,
fainter sources and better spectral resolution were easily obtained and
caused a renaissance in astronomical spectroscopy. The fact that the
Fairchild CCD had a read noise of 350 electrons seemed uniroportant at
the time.

We will begin our discussion of astronomical spectroscopy with point
source observations. The term “point source” in generally taken to mean
a star, but under various conditions, many objects can be observed as
a point source. For example, an active galaxy does indeed often show
extended structure in terms of spiral arms, but short exposures or obser-
vations intended to study only the nuclear regions are essentially point
source measurements. A more formal definition might be that point
sources are objects for which their angular size is determined by the see-
ing disk or instrumental resolution. We will follow point source observa-
tions by introducing extended object spectroscopy. The major difference
in these two types of spectroscopy is the type of output data product
you end up with and the science obtained from the collected data. Our
discussion here will concentrate more on the CCD aspects of astronomi-
cal spectroscopy and not as much on the actual observational techniques

 For those of you interested in a bit of nostalgiz, remember how one needed to cut
the photographic plates completely in the dark, attempt to fit them into the plate
holder licking cne side along the way to find the emulsion, and then suffering the
agony of defeat when you discovered that your 1 hour integration was made with the
dark slide closed or the plate had been placed in the holder backwards!
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and data reduction procedures. Various types of spectrographs and other
related topics are discussed in detail in the excellent reviews given by
Walker (1987), Wagner {1992), and Pogge (1992).

6.1 Review of Spectrographs

Spectroscopic observations can be thought of as a method by which one
samples the emitted energy distribution from an astronomical source in
wavelength bins of size AA. Broad-band filter photometry, for example,
is a form of spectroscopy; it is merely one with extremely poor spectral
resolution. To use spectral information to learn detailed physics for an
astronomical object, one must be able to differentiate specific spectral
features (lines) from the continuum within the observed spectrum and
be able to make quantitative measurements of such features. Generally,
this type of analysis requires a spectral resolution of at least 20-40 A
ar better. Keep in mind, however, that various scientific objectives can
be accomplished with varying amounts of spectral resolution. Schinidt
telescope observations using an objective prism and imaging each spec-
trum onto a CCD have fairly low spectral resolution, but the imaged
spectra are indeed useful if the purpose is to identify objects that have
blue color excesses (see Section 6.7).

Figure 6.1 illustrates a typical astronomical spectrograph with the
common components identified. An entrance slit, onto which the tele-
scope focuses the incoming light from the source of interest, is used
to both set the spectral resolution and to eliminate unnecessary back-
ground light. An internal light source for the production of a flat field
(called a projector fab in spectroscopy) and various wavelength calibra-
tion emission line sources are also included. These lamps usually consist
of a quartz projector lamp for the fat felding and-a hollow cathode
or arc lamp for the calibration sources. Both types of calibration lamp
are included in the spectrograph in such a way as to attempt to make
their light path through the slit and onto the CCD detector match as
closely as possible that of the incoming telescope beam from an astro-
nomical object. Some type of grating (commonly a concave reflection
grating) is needed as the dispersive element, although a prism can also
be used. Various camera optics, to re-image the slit onto the CCD detec-
tor and provide chromatic and field Hatness corrections, finish the suite
of standard components. Numerous variations on this standard theme
have been and will continue to be used as cost, complexity, and purpose
of the instrument are always issues.
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Fig. 6.1. Schematic diagram of a typi i

: ypical astronomical spectrograph. The ma-
jor components are the CCD detector, the continuum and comparison line
calibration sources, the TV slit viewer, and the grating. From Wagner (1992).

Let us define a few useful quantities in CCD spectroscopy. Table 6.1
lists the various definitions needed for use when discussing the optical
properties of the telescope, collimator mirror (or lens), and the camera
itself. Using the definitions in Table 6.1, we can define the magnification
of the spectrograph as M = Fi,m/Feol, the projected width of the slit

Table 6.1. Spectrograph definitions

D Diameter of Telescope

F Focal Length of Telescope
I Focal Ratio of Telescope
w Width of Entrance Slit

deol Diameter of Collimating Mirror
Foal Focal Length of Collimator

Joo1 Focal Ratio of Collimator

deam Diameter of Camera Mirror

Foam Focal Length of Camera
Seam Effective Focal Ratio of Camera
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at the CCD will be wM, and the slit width will subtend an angle on 5_.@
sky of © = w/F. The projected width of the slit at the CCD detector is

then given by
_ Feam _ Of DFcam
"= wM = @.m,m_ﬁ.. - ®%U .m..unoﬂ - .‘nn&&now ’
To avoid loss of efficiency within the spectrograph, the collimator focal
ratio should match that of the telescope. To make this clear, we can
write the projected slit width at the CCD detector as ® =D ﬂnm.ss. We
assume here that the dispersing element does not change the Q.uEEmﬁmQ
beam size.! If the slit is opened wide enough to allow E.H the light w,n.;ﬁ
a point source to pass through, the projected image size of the point
source at the CCD detector is simply R. . .
The ability to separate closely spaced spectral mmmaﬁ.mm Hm. determined
by the resolution of the spectrograph. Spectral resolution is &mm:mn” as
R H.»\ A, in which A) is the difference in éméwmumg Uﬁémm.ﬁ WO
closely spaced spectral features, say two mwmoﬁ.& rb.mm of equal HEamb.
sity, each with approximate wavelength A OE.E& light spectra. aomom
lutions of a few hundred thousand to one million have vwmb obtaine
for the Sun, whereas for typical astronomical spectra, R G.Ecnw less,
being near a few thousand down to a few hundred for 49.% faint moﬁwmm.
For comparison, current R values in the infrared are typically less than
0.

QUMMH w%.wpma details of the actual components of mmﬂo.uoﬁwo& spectro-
graphs, various types of spectroscopy for different applications, mba.drm
way in which these components are used to produce spectra at various
wavelengths and resolutions, see Wagner (1992), Pogge (1992), UMM@&
(1990), Stover et al. (1995), Queloz (1995), Corbally (1995), Cochran

(1995), and Robinson (1988b).

6.2 CCD Spectrographs

Current-day spectrographs almost exclusively use CCDs as their detec-
tor. The major reasons for this choice are the large free m_.umnﬁﬁ Hms.mm
of modern CCDs (covering roughly 3,000 to 10,000 A), ﬁw@ linearity
of the devices (better than 1% from zero counts Q.u saturation) over a
large dynamic range (allowing, for example, detection of absorption or
emission lines as well as the continuum), and the large areal format of

+ While not always true for diffraction gratings, this condition is realized for prisms.
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modern CCDs (2,048 up to 4,096 pixels or more in extent). This lat-
ter property is especially important for applications such as wide-field
objective prism work with Schmidt Telescopes, multiobject fiber spec-
troscopy (Robinson, 1988¢) in which the fiber fed spectra are placed in
row order on the CCD, and for Echelle spectroscopy for which many
spectral orders are two-dimensionally imaged at once (Vogt & Penrod,
1988). The free spectral range obtained could, in principle, be as large
as the detector’s quantum response, but in practice limits in optical and
grating design and CCD size restrict a single spectrograph coverage to
somewhere near 4,000 A or less in the optical bandpass. Some obser-
vatories have solved this limited spectral coverage issue by designing
and using double spectrographs, with each instrument having two sep-
arate spectrograph arms (one red and one blue) with a CCD for each
(Oke, 1988). A double spectrograph almost always uses a different type
of CCD detector in each arm; each CCD is customized for the best pos-
sible detection properties for their particular wavelength coverage. Both
high resolution (R~ 30,000-80,000 or more) and low resolution (R ~ a
few thousand or less) spectroscopic applications are well suited to using
CCDs as the detector; one simply has to match the CCD pixel size to
the particular spectrograph and resolution being used.

Optimal sampling of a spectral line that is just unresolved occurs when
the FWHM of the line is twice the physical pixel size (Nyquist sampling
criteria). It can be assumed in this discussion that a spectral line has an
approximately Gaussian shape for which a formal FWHM value can be
determined. Note, however, that real spectral lines are not always this
well behaved. In addition to matching the spectral line width to the pixel
size, CCDs used for astronomical spectroscopy must also have very good
charge transfer efficiency (CTE) in order to reduce smearing of spectral
lines during readout, which would lead to a loss in spectral resolution.
Also, small pixel sizes such as 15 or 9 microns are often desired to meet
the Nyquist criteria discussed above.

Let us lock at an example for a spectrograph that uses a CCD with
9-micron pixels as the detector. With this setup, the projected slit width
size, i, must be near 18 microns to achieve optimal sampling. For an
observing site with typical seeing of 1.5 arcsec, and using a 2- to 5-m
telescope, we find (using the formulations given in Section 6.1) that the
spectrograph camera must have a focal ratio near unity. This is a very
fast focal ratio and requires excellent optical design and near perfect
optical surfaces. For the CCD itself, this requirement means that its



106 Spectroscopy with CCDs

physical surface must be extremely flat throughout the entire extent of
the chip {less than 0.5% rms for accurate spectrophotometry), in order
to allow all parts of the spectrum to be in focus simultaneously. As we
have seen, this level of flatness can be a difficult requirement to fulfill
for certain types of CCD {(e.g., thinned devices).

"The above example for a CCD spectrograph informs us that, for large-
aperture telescopes (say 8-12 m), optimum spectral sampling can only
oceur if some combination of the following conditions are met. As the
telescope diameter increases, the camera focal length must decrease, the
seeing disk must decrease, and the detector resolution element (2 CCD
pixels) must increase in size. Currently, the hardest requirement to meet
in this list is the design and construction of very fast focal ratio cameras.
Increasing the CCD pixel size while retaining the large range of total
wavelength coverage is the major driving force behind producing even
larger format CCDs.

Exceptional seeing, less than 1 arcsec for example, would seem to be
she dream of any spectroscopist. However, let us ook at an example when
very good seeing can cause unexpected results in CCD spectroscopy. The
problem is as follows: CCDs are mounted in dewars and attached to the
end of a spectrograph in some manner. The dewars are then aligned in
an attempt to have the observed spectrum fall onto the detector along
cither its rows or columns. Perfect alignment of the CCD across the
entire spectrum is rarely achieved and thus the imaged spectrum centroid
must cross pixel boundarys in the dispersion direction (i.e., as a function
of wavelength).

If the object seeing disk becomes Jess than the projected pixel size, the
position of the spectral centroid falls within the pixel itself, alternately
occurring at the center of some pixel and then at the pixel boundaries
themselves. Wavelength-dependent QE effects within the pixels, due to
their gate structures and intrapixel “dead” spots, will cause apparent
fAux variations that can be as large as +£10% in amplitude. Additional
complexities, such as which type of CCD is used, telescope focus, and
tracking changes, are harder to quantify and correct for but can have
similar effects. The problem described here, that of undersampling, can
also oceur in CCD imaging applications as well, when the majority of
the source PSFs fall within a single pixel. Optimum sampling in CCD
imaging also occurs at the Nyquist sampling limit, that is, a point source
FWHM should be imaged across about two CCD pixels (see Section 5.6).
A several percent error in CCD photometry can occur for images that
are undersampled (Howell et al., 1996; Holtzman, 1990}.
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Fig. m.w.. Spectrum of the standard star Feige 92 taken during a time of excel-
lent seeing. This 30-second exposure, obtained with the Faint Object Spectro-
graph on the Issac Newton telescope, has a pixel scale of 1.2 arcseconds/pixel
and this spectrum was obtained when the seeing was sub-arcsecond. The rip-
Em seen in the continuum near 6,000 A and blueward is due to intrapixel QE
differences, which are especially prominent for short wavelength photons in
the EEV CCD used. From Dhillon, Rutten, & Jorden (1993).

Figure 6.2 shows an example of the ripple that can occur in a spectrum
obtained under conditions of excellent seeing and for which intrapixel
QE effects are present (Rutten, Dhillon, & Horne, 1992). Possible meth-
ods of correction for spectral ripple include de-focus of the telescope or .
slightly trailing the spectrum up and down the slit during each integra-
tion,! neither of which are desirable. Corrections to the spectrum can
also be applied after the fact using some empirical model during the
reduction phase (Dhillon, Rutten, & Jorden, 1993; Jorden, Deltorn, &
Oates, 1993). Spectral ripple, as well as our discussion of pixel sampling
in the chapter on photometry, indicates that while very poor sampling
is not ideal (as the collected image is spread out over many pixels, each
of which adds unwanted noise) undersampling is not necessarily bet-
ter. Optimum sampling is the best but is not always possible with a
given instrument and CCD combination. In addition, the conditions of

t This particular solution may remind us long-time observers of 2 Weobble Plate.
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optimum sampling can change with time owing to effects such as seeing,
telescope focus, the wavelength of light imaged, and other more subtle
effects.

The two-dimensiona) nature of a CCD allows one to place the spec-
trum anywhere on the array, targeting good regions of the CCD that
avoid manufacturing flaws such as areas of poor sensitivity or dead pix-
els. Their 2-D design also provides the ability to simultaneously image
the (nearby) sky spectrum with the object spectrum. Accurate sky sub-
traction from a source spectrum increases the S/N of the final result
and allows much fainter sources to be observed. It also increases the
reliability of the flux measurements and is probably the greatest factor
making CCDs superior to other detectors as spectroscopic imagers.

Although large-format CCDs for spectroscopy (2,048 x 2,048, 1,024 x
3,072, etc.) are useful in many ways, they have their drawbacks as well.
Large CCD formats take longer to read out, make critical areal flat
fielding (important for accurate Auxes and line profiles) difficult, and
provide more stringent restrictions on mounting and dewar design and
overall cost. Physically nonflat CCDs under vacuam (such as thinned
devices), shifting of the CCD within the dewar, or movement of the
larger, heavier dewar itself can all cause slight movement of spectral
features, leading to errors in the analysis. Loss of LN2 throughout the
night has been identified as one cause of spectral movement (Smith,
1990a). :

Long readout times for large-format CCDs (a few minutes) do not
seem like such a big deal compared with typical integrations of 30-60
minutes or more. However, the longer the readout time, the lower the
overall observational duty cycle one experiences, and, after obtaining
all the necessary calibration spectra, flat fields, comparison arcs, and
standard stars, this extra time can become costly. In addition, to produce
the fina) spectrum one often wishes to co-add shorter object exposures
to avoid numerous cosmic ray events that can hinder accurate flux and
line profile measurements. Obtaining fast temporal coverage with large-
format CCDs, such as required for phase-resolved spectroscopy, also gets
thwarted, again by these long readout times. In a likewise manner, CCDs
that have a limited dynamic range (those with small pixel sixes) force
the user to make multiple {shorter) exposures for each type of needed
image, especially calibration data for which the high S/N desired can
easily saturate the detector.

The finite readout time of large-format CCDs has led to numerous at-
tempts to obtain high-speed spectroscopy via some technique that takes
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advantage of the two-dimensional nature of the detector. For example,
one could step the detector, or the spectrum, along in a direction per-
pendicular to the dispersion at some predetermined rate, reading out
the CCD only after a entire frame of individual spectra is collected. A
better idea might be to use the fact that the collected charge can be
moved back-and-forth electronically on the CCD from row to row, with-
out actually reading it out. This movement is quite fast, say 200 rows
in a few milliseconds, and suffers no readout noise penalty but only a
slightly increased dark current. Spectra placed on the top 50 rows of a
device will allow faster readout times or one could use the bottom 50
rows with electronic charge movement used to shift the spectrum upward
between each integration tirne. Both of these processes have been tried
with success (Robinson, 1988b).

Omne could even slosh the charge back-and-forth periodically in order to
build up the signal in two spectra for say a given phase of a binary star.
The spectrum not being exposed gets hidden under a mask and the final
image produces two or more “phased” spectra. An idea such as this was
developed for spectropolarimetry (Miller, Robinson, & Goodrich, 1988)
with some success and led to the discovery of some previously unknown,
yet interesting CCD effects (Janesick et al., 1987a; Blouke et al., 1988).

6.3 CCD Spectroscopy

Two common meastirements from an astronomical spectrum are those
of the flux level asa function of wavelength and the shape and strength
of spectral lines. Currently, the best determined absolute fluxes are near
1%, usually for spectral data covering a small wavelength range and
for bright (high S/N) sources (e.g., Tiig, White, & Lockwood (1977},
Furenlid & Meylon (1990), Hayes & Latham (1975), Oke & Gunn (1983),
and Schectman & Hiltner (1976)). Absolute flux observations must make
use of a wide slit or hole (10 arcsec or larger in size is typical) as the en-
trance aperture to the spectrograph. Use of such a wide slit assures that
100% of the source light is collected and avoids problems related to tele-
scope tracking or guiding errors and differential refraction (see below).
In principle, relative flux measurements should be determinable to
even better levels than those guoted above and the shape of a spec-
tral line should be almost completely set by the instrumental profile of
the spectrograph. Spectroscopy desiring relative fluxes generally makes
use of a narrow slit (matched to the seeing) to preserve the best pos-
sible spectral resolution. For example, for an observation requiring
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accurate radial velocity measurements a narrow slit would be preferred
to achieve the highest possible spectral resolution. After all, the imaged
spectral features (lines) are merely images of the slit itself focused onto
the CCD.

Calibration of observed object spectra is normally performed by ob-
taining spectra of flux standard stars with the same instrumental setup
including the slit width. During the reduction process, these standard
stars are used to “Aux” the object data, that is, assign relative fluxes
to your object spectrum counts as a function of wavelength. It is as-
sumed that during each integration, the object of interest and each stan-
dard star sent the same relative color and percentage of their PSF light
per time interval through the slit and onto the CCD. Seeing changes,
nonphotometric conditions, guiding errors, and differential refraction can
all negate this assumption.

Three factors unrelated to the CCD detector itself - tracking and guid-
ing errors, seeing changes, and spectrograph slit angle — are important
to your final spectral result in the following ways. Observations of an as-
tronomical source made through a spectrograph slit are often obtained
such that the slit size matches the object seeing disk. That is, the slit
width is set to allow most of the PSF (for a point source) to pass through
but kept small enough to eliminate as much of the sky background as
possible from entering the spectrograph. Therefore, changes in telescope
guiding or image seeing will cause slightly more or less source light to
enter through the slit. These effects can cause large noticeable effects
as well as more subtle possible unknown effects to be part of your final
image. These issues, as well as items such as the use of a red sensitive
slit viewing/guiding camera when observing very blue sources, will not
be discussed further here (Wagner, 1992).

The angle on the sky of the spectrograph skt is very relevant to the use
of CCDs as detectors. Observations of an astronomical source at some
angle away from the zenith (an airmass of 1.0) can cause differential
refraction to become an issue. Differential refraction is the variation of
the angle of refraction of a light ray with zenith distance. All objects
in the sky become slightly prismatic owing to differential refraction by
the Earth’s atmosphere. If the spectrograph slit is not placed parallel to
the direction of atmospheric dispersion, nonchromatically uniform light
loss may occur at the slit since the image will have an extended, color-
dependent PSF. Atmospheric dispersion is caused by the variation of
the angle of refraction of a light ray as a function of its wavelength, and
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the direction parallel to this dispersion is called the parallactic angle.
Using spherical trigonometry, the parallactic angle can be determined
from the following:

cos(object declination) x sin{parallactic angle)
= sign(hour angle) x cos(observers latitude) x sin(object azimuth},

where sign = +1, if the hour angle is positive and —1 if it is negative.

Table 6.2 presents an example of the amount of differential refraction
that a point source will experience, as a function of airmass, for an
observatory at an elevation of 2,200 m. Note that all values in the table
are relative to 5,500 A and are of significant magnitude at essentially all
wavelengths and airmasses. CCD observations are particularly sensitive
to an effect such as differential refraction as their very good red or blue
QF could produce spectral data with highly inaccurate flux values. Even
more troublesome is the case of using, for example, a blue flux standard
star when observing red sources. Differential refraction can cause the
light entering the slit, and therefore imaged by the CCD itself, to record
incorrect intensities as a function of wavelength. Aligning the slit at the
parallactic angle solves this problem.

A fun example to consider concerning differential refraction is the pos-
sible use of a direct CCD imager at very high airmass. The imager will
act like a spectrograph and record spectra of sources using the Earth’s at-
mosphere as the dispersive element. Some simple calculations will reveal
that while possibly a good idea in principle, at the very high airmasses
needed, the dispersion is extremely nonlinear and changes very rapidly
with time. Extremely short exposures would be required, thereby allow-
ing data to be gathered for only the brightest of stars. In addition, most
astronomical telescopes can not point to the needed positions to obtain
these sorts of very high airmass observations.

Some additional considerations related to the use of CCDs in astro-
nomical spectrographs are those of order sorting filters, stray light, fring-
ing, and economics. The first three of these cause undesired light to be
imaged onto the CCD, some of which falls directly on top of the object
spectrum of interest. This extra light increases the apparent background,
decreases the resulting S/N, and is often difficult or impossible to remove
or even measure. As an example, using a diffraction grating to observe
blue light in second order necessitates removal of the first-order red spec-
tral light from the incident beam before detection by the CCD. Since
CCDs are generally very red sensitive, this is a critical step to perform.
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Altitude Airmass 3000 A 3500 A 4000 A 4500 A 5000 A 5500 A 6000 A 6500 A 7000 A 8000 A 9000 A 10000 A

0.0
—-0.2
—0.4
—-0.6
-11

0.0

-0.1
—0.3
—0.6

0.0
-0.1
-0.3
-0.5

0.6
-0.1

0.0

0.0
0.0

-0.1
—-0.1
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—0.8
—1.6

0.0 0.0 0.0

0.0
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0.5

0.0 0.0

0.6

1.00

90

0.2
—~0.3

-0.1
~0.1
~0.2

0.0
0.0
0.0

0.1
0.1
0.2

0.4

a1
0.2
0.7

0.8
1.4

2.3

0.35
0.8
1.45

1.3
2.3

1.04
1.15
1.41

75
60
45

—-1.0

—~0.8
-1.3
—1.7

—~0.6
—-1.0
-1.3

~0.4

0.3
0.5

-1.7
—-2.3

—1.5
21

-0.6
-0.9

6.0
0.0

1.2

4.0 2.45
6.3 3.9

1.9%
2.90

30
20

0.0

0.7
L1
2.2

1.6
2.4
4.9

5.3
8.0
16.2

3.82
5.60
10.21

—2.0 —2.6 =31 -3.5
—4.0 —5.2 —6.3 ~7.0

-1.3
—2.7

0.0
0.0

3.1
4.7
9.5

8.5
12.9
26.1

15
10
5
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A CuS0Q, filter is probably the best order sorting filter to use in this
circumstance but is far from ideal. CuSQ; filters have poor UV and blue
transmission, are inconvenient to use (they are either a crystal or a lig-
uid filter), and have a long wavelength red leak. Further discussion of
such intricacies can be found in books concerning spectrographic obser-
vations of astronomical sources; also see Wagner (1992), Pogge (1992),
and Robinson (1988b).

Finally, we conclude this section with our wish list for the ideal CCD
to use within an astronomical spectrograph. The CCD should bave low
read and dark noise, high QE over a large wavelength range, very good
CTE, small pixel size, and large dynamic range, and it should be “tuned”
to the application desired. Tuning a CCD simply means that one shouid
use the device that is best suited for the job at hand. Properties such
as high red sensitivity, very deep pixel wells, small pixel size, back-side
illumination and coating, etc. are items worthy of consideration.

6.4 mmmﬁmpéouz.uwmm Calculations for Spectroscopy

Calculation of the signal-to-noise ratio for spectroscopic observations
is performed in a manner similar to that described earlier in this book
(Chapter 4). As in photometric measures, we find that for bright sources

S/N o« /N while for faint sources we must use the entire S/N expres-

sion (see Section 4.4). For spectroscopic observations obtained with a
good CCD system, the largest noise contributors that will degrade the
resulting S/N are the background sky contamination and how well the
data can be fiat fielded. The value of the S/N of a spectroscopic obser-
vation can have a few different meanings.’ For CCD spectroscopy, one
can calculate the S/N for the continuum or the S/N for a given spec-
tral line.

In the continuum case, the number of pixels, npic, used in the S/N
caleulation will be determined by the continuum bandpass range over
which the §/N is desired times the finite width of the spectrum on the
CCD. For example, a typical CCD spectrograph might have an image
scale of 0.85 A/pixel and the imaged spectrum may have a width of
3 pixels on the array in the direction perpendicular to the dispersion.
To calculate the S/N for the spectral continuum over a 100 A bandpass

1 Note here that this is also true for CCD imaging or photometric applications as
well. Depending on the user’s choice of parameters such as npix, the final S/N value
will change. Likewise, reported S/N values without comment on the exact choice of
specific parameters are, at times, difficult to interpret.
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in this example, one would use the value of 353 for npix. In contrast, a
narrow emission line with a full width at zero intensity (FWZI) of 40 A
would use an npy of 141. The 8/N of the emission line will therefore be
higher in value owing to the smaller overall error contribution (approx-
imately 3 to 1) not to mention the higher flux values per pixel within
the line itself. As an exercise, the reader might consider how one would
calculate the S/N in the case of an absorption line.

Signal-to-noise calculations are also useful in predicting observational
values such as the integration time needed to obtain a desired scientific
result from your spectroscopic observations. This type of calculation
can be performed using the formulae presented in Section 4.4. Spectro-
scopic S/N values in the continuum of near 10 are often sufficient for
gross spectral classification, whereas values in excess of 500 are needed
for detailed abundance analysis or weak absorption line measurements.
When making predictions of the 3/N to expect in a spectroscopic obser-
vation, keep in mind that spectrographs are much less efficient overall
than direct imaging cameras (2-4% vs. 30-40%) and that seeing effects
and slit losses can be considerable in terms of the actual flux collected
by the spectrograph.

6.5 Data Reduction for CCD Spectroscopy

This section discusses the basics of astronomical CCD spectroscopic data
reduction. Figure 6.3 presents a raw, unprocessed CCD spectroscopic im-
age of a point source. The initial reduction steps for CCD spectroscopy
are exactly the same as previously discussed for imaging applications.
Bias (or dark) frames and flat field calibration images are needed and
used in the same way. After performing these basic reduction procedures
for the CCD images, there are additional steps one must take that are
specifically related to spectroscopy. These extra steps involve the use of
spectra of spectrophotometric flux standards and wavelength calibration
{arc) lamps. Figure 6.4 illustrates the five types of CCD images needed
for complete reduction and calibration of spectroscopic observations.
We will not discuss some minor, yet important processing steps such
as cosmic ray removal, bad pixel replacement, and night sky emission
line complexities. Detailed instructions for CCD spectroscopic data re-
duction can be found in Pogge (1992) and Massey, Valdes, & Barnes,
(1992). The article by Wagner (1992) is particularly useful, being the
best review of the subject to date.
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Fig. 6.3. Raw CCD image of a point source. The spectrum runs vertically
up and down near the middle of the CCD with wavelength increasing toward
the top. Night sky emission lines are clearly seen running horizontally across
the entire frame. The sky lines due to OI at 5,577, 6,300, and 6,363 A are
visible at the bottom, and numerous OH ariglow lines are seen near the top of
the image. The large-scale gradients are due to nonuniform CCD illumination
within the spectrograph. From Wagner (1992).

For a point source, the final product desired is a 1-D spectrum con-
sisting of wavelength versus relative or absolute flux. It is assumed that
you have in hand CCD spectra of your object(s) of interest, at least
one observation of a flux standard, and wavelength calibration spec-
tra of arc lamps (see Figure 6.4). The first step with the reduced two-
dimensional CCD image, after the standard processing with bias and
flats is performed, is to extract the spectrum itself and collapse it into
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Fig. 6.4. The five necessary types of CCD image needed for spectral reduction.
From bottom to top we see a bias frame, a flat field frame, the object spectrum
of interest, the spectrum of a flux standard, and finally a FeNe arc mvmoﬂfB.
The flux standard will be used to twrn observed counts in the object into
relative flux, and the arc spectrum will be used to set the wavelength scale.
From Wagner (1992).

a 1-D image of pixel number versus ADU/pixel. In the simplest (and
unrealistic) case, the imaged spectrum lies exactly along one row (or
column) of the CCD and one can extract it simply by extracting the
single row from the final image. Generally, the imaged spectrum cov-
ers two or three or more rows (or columns) and the extraction process
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involves some manner of summing a few adjacent rows perpendicular to
the dispersion (an “after-the-fact” pixel binning) at each point along the
dispersion. Purthermore, in practice it is often found that CCD spectra
are not precisely aligned with the CCD pixels and are curved on the
detector as the result of the camera optics, instrumental distortions, or
CCD flatness issues. Fainter sources present additional complexities, as
centroiding the spectrum (for, by example, using cuts across the disper-
sion direction) in order to. extract it is often difficult or impossible. A
typical example might be a spectral observation of a faint continuum -
source that contains Uamm&_ emission lines. Details of the spectral ex-
traction process sky subtraction and optimal extraction techniques are
discussed in Wagner (1992), Pogge (1992), Robinson {1988b), Robinson
(1988c), Schectman & Hiltner (1976), and Horne (1986).

At this point, your extracted spectrum will have an z axis that is
in pixels and we wish to convert this to wavelength. The procedure to
perform such a task involves observations of calibration arc spectra ob-
tained often during your observing run. The idea is to match the z-axis
pixel scale of the calibration arc lamps with their known wavelengths and
then apply this scaling procedure to your object data. Calibration arc
spectra of sources such as hollow cathode Fe lamps or He-Ne-Ar lamps
contain numerous narrow emission lines of known wavelength. Use of
these emission lines during the reduction procedures aliows a conver-
sion from a pixel scale to a (possibly rebinned linear) wavelength scale.
Correction for atmospheric extinction (Hendon & Kaitchuck, 1982), sim-
ilar in manner to photometric corrections already discussed but generally
a bit more complex owing to the larger wavelength coverage, can now
be applied to all obtained spectra. Since you are relying in this step on
the hope that the arc emission lines fall onto specific CCD pixels and
define a wavelength scale that is identical to that of your object, you
want to obtain arc data in as similar a manner to that used to gather
your object spectra as possible. Instrument flexure caused by telescope
motion throughout the night or movement of the CCD within the dewar
are two of many possible effects that will invalidate the wavelength to
pixel scaling procedure.

We now have to deal with our collected spectra of flux standards.
These stars are observed solely for the purpose of converting the col-
lected pixel count values into absolute or relative flux values. Applica-
tion of all of the above steps to your spectra of spectrophotometric flux
standards will produce 1-D data with a wavelength scale (x axis) versus
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counts on the y axis. We now wish to have the y axis of ADUs or counts
converted into flux units such as ergs s~ cm™? A-1. Most observatories
and data reduction packages (such as IRAF and MIDAS) contain lists
of spectrophotometric flux standards appropriate to observe and use for
fiuxing of your spectroscopic data. Within the reduction software, tables
of wavelength versus flux are kept for a large number of spectrophoto-
metric lux standards. To understand and appreciate the details involved
in setting up even a single spectrophotometric standard star, see Tiig,
White, & Lockwood (1977), Jacoby, Hunter, & Christian (1984}, and
Massey et al. (1988). In a similar manner to the method by which we
took the known arc wavelengths and converted their pixel scale into
a wavelength scale, we can now take the known fluxes of the standard
stars and convert pixel counts into relative or absolute fluxes. The differ-
ence between relative and absolute is essentially the difference between a
narrow or large slit width as mentioned above. The conversion of counts
to flux is performed under the assumption that slit losses, color terms,
transparency, and seeing were similar between the standard star obser-
vations and the object(s) of interest.

One can never have too many calibration data and must always trade
off time spent collecting CCD frames of standard stars and arcs with
collection of data for the objects of interest. Instrument flexure, non~
photometric conditions, color terms, and accurate wavelength calibra-
tion are crucial to the production of accurate final spectroscopic results

such as that shown in Figure.6.5.

6.6 Extended Object Spectroscopy

The definition of extended object spectroscopy follows from the fact that
we wish to obtain spectra, not from an unresolved point source, but
from a region of the sky for which we desire simultaneous wavelength
and spatial information. Examples might include galaxies, nebulae, and
planets within our solar system. While there is no fundamental difference
between this type of spectroscopy and point source observations such as
those described above, their are differences in the instruments used and
the reduction techniques involved. We will present here a very basic
introduction to the subject and refer the reader to the more detailed
review given by Pogge (1992).

One method of obtaining spectra of an extended object is by us-
ing long-slit spectroscopy. While sounding like an entirely new method
of observing, long-slit spectroscopy is very basic. When we discussed
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point source observations, we concerned ourselves with the details of the
spectrograph and final spectrum as they related to the incident light
from a point source focused on the spectrograph slit and imaged on
the CCD array. We mentioned in that discussion that we desired to
use the slit to keep out as much background light as possible. How-
ever, all objects that lie along the slit, say in the z direction as pre-
sented in Figure 6.6, will produce a spectrum and be imaged on the |
2-D CCD array. This last statement makes some assumptions about the

* ability of the spectrograph optics and optical path to support such an

endeavor.

O.um can imagine a case in which a number of point sources are lined
up 1n an exact east—west manner and a spectroscopic observation is
wm&ogmm of these stars using an east—west slit alignment. The output
%ﬂmmm will contain a number of parallel spectra, one for each point source
lined up on the CCD. Obvious extensions of this simple example to Hmmm
cases include placing the long slit of a CCD spectrograph along the axis
of @. spiral galaxy or alternately across and alongside of bright knots
of ejecta within a recently erupted classical novae. The uses of such
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Shit

Collimator

Fig. 6.6. Schematic view of a typical long-slit CCD spectrograph. Positions

along the slit are mapped in a one-to-one manner onto the CCD &mﬁmo&om..
A number of optical elements in the camera, used to re-image maw focus the
spectrum, have been omitted from this drawing. From Pogge (1992).

spectrographic techniques are many and yield wawaamﬂ.os on both the
spectral properties of an object (radial velocity, line widths, .mﬁo.v and
the spatial properties (spiral arms versus the bulge, etc.). This type of
observational program is indeed another that benefits from large-format
Ds.
Omw? more complex and upcoming type of A..éo.&Bmzmmow,m_. OOH.V spec-
trograph is the imaging Fabry—Perot interferometer. Within this type
of a spectrograph, 2-D spectral imaging over a narrow bandpass can
be collected on the CCD, and with a change in the Fabry—Perot .mﬁ&,ob
spacing, a new narrow bandpass can be isolated. These types of instru-
ments are often quite complex to master and setup, produce complex
data cubes of resultant imagery, and tend to be less efficient than con-
ventional spectrographs owing to their many optical surfaces. However,
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to its benefit, Fabry—Perot interferometry has a unique capability to
provide tremendous amounts of scientific data per observational data
set and to obtain fantastic results for the objects observed. The details
of this type of spectrograph and its use can be found in Pogge (1992),
Bland & Tully (1989), and Roesler et al. (1982).

A final method of obtaining spatial as well as spectral information is
that of narrow-band imaging. The spatial aspect comes about through
the use of a CCD as a wide-field imager and the spectroscopic infor-
mation is provided at selected wavelengths by the use of narrow-band
filters. This is no different than observing a given area of the sky in B,
V, and R filters, except that here one usually is imaging one or more
extended objects and selects carefully two or more restrictive filters in
order to cbtain specific results. Simultanecus imaging in all colors is lost
as one has only limited spectral coverage with this technique, but one
abtains full spatial sampling over the entire the field of view and the in-
strumental setup and data reduction are quite simple. In addition, this
type of 2-D spectrophotometiy can be performed with any CCD imager
with the addition of the appropriate filters.

There are numerous other complexities associated with extended ob-
Jject spectroscopy, some in the observational setup procedures needed
and some in the data handling and reduction procedures. However, the
wealth of information available from such observations far outweigh the
difficulties of these more complex types of CCD spectroscopy.

6.7 Slitless Spectroscopy

The above discussion of astronomical spectroscopy was based on the use
of a spectrograph that allowed an image of a slit to be dispersed and then
re-imaged onto the CCD detector. Another method, slitless spectroscopy,
has also been a workhorse for astrophysical science {Bowen, 1960a) and
continues to be useful today (MacConnell, 1995). The idea of slitless
spectroscopy is to take advantage of a simple direct imaging system to
provide a mechanism for producing and recording astronomical spectra.
Some form of dispersive element is placed either before the telescope
entrance aperture (e.g., an objective prism} or just before the detector
(e.g., a grism), allowing a spectrum to be formed and imaged on the
detector.

Work with objective prisms placed in the optical path of a Schmidt
telescope and the resulting slitless spectra being imaged on large-format
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vrogmw.@vrwo\ plates has been used in astronomy EH aver seventy wmm.ﬁm.
This type of an arrangement allows one to owamz.y mﬁwoﬁm of .@: im-
aged objects in the field of view with the integration time mawﬂum the
limit for the faintest usable spectra (Walker, 1987). The S.ms::.ﬁ spec-
tra, are generally of low dispersion and used for gross classification pur-
poses (MacConnell, 1995), but even radial S&o@..;wmm. can WQ H.&mmm:.amg
(Fehrenbach, 1967). The dispersions available with an ogmnﬁ.:\m prism
arrangement are near 200-300 A/mm and the mﬁmmﬁmm.ogmﬁma. moM:
erally cover a total bandpass of 400-1000 A. The :ﬁ&nm Em.mnac e
for a usable spectrum with an objective prism setup is approximately

given by

mMiim = “_.mm -+ mH_.OWHO.HJu

where T is the focal length of the telescope in meters. Generally, ﬁzm
limit is 8-10 magnitudes brighter than that available at the same in-
tegration time with the same optical/detector system when used as a
i imager. :
QHMAMMMMMWW prisms have the disadvantage of being massive and wwoaﬂ.ﬁf
ing nonlinear dispersions. Transmission mw.wﬂumm. have replaced o_.u jective
prisms in some applications although they can g.Eu,.o%.Hom coma wﬁo.ﬁg
fipal image. To counter the effect of coma, mHm&nwm%nt mcﬂd_ﬁma_owm
or grisms were developed (Boweu, 1960b). A variant of this idea E& the
grens or a grating-lens combination. Gratings can be Em.,uma k8. produce
high throughputs in a single order, but the waoﬂ.r,o&ma image is &E.@Mm
present and leads to field crowding, background light _mmzm.m, and @Om.mmg e
confusion as an emission line in another spectrum (Schmidt, Schneider,
1986).
¢ MMMMF éoww with slitless spectroscopy of interest here are those ap-
plications that use a CCD as a detector. Such examples are the PFUEL
(Schmidt, Schneider, & Gunn, 1986; Guon & émmgwmr 1981) and OOmnlH
MIC {Kells et al., 1998) instruments used at the 2007 Hale telescope an
the QUEST instrument (Sabby, Coppi, & Ooﬁ;aﬁ. Hmomu :mm.a on a H.-S
Schmidt telescope. These instruments use a SmsmEHm_.m_oﬂ._ mﬁmﬂ.um‘ a grism
(preceded by a multislit aperture mask), and an objective prism Hmmﬁﬂmma
tively to form their spectra, which are then imaged onto a CCD. The
above formula for the limiting magnitude of a useful spectrum mmoim be
revised downward by 1-2 magnitudes for a high throughput, high QE,
low noise CCD slitless spectroscopy system.
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All types of slitless spectroscopy must cope with three similar issues
in terms of their image acquisition and data reduction. First, it is often
useful to obtain a direct image of the field without the dispersing element
in place. This image allows accurate source location mnmmwgama of in-
tervening spectral overlap or zero-order confusion (in the case of using a
grating). Slitless spectra can cover many hundreds of pixels on the CCD
with the zeroth-order image being separated by 100-200 pixels. Sec-
ond, data extraction from the final image can often be complex as field
crowding or seeing changes during an exposure will cause broadened, ill-
defined spectra. Procedures here generally use a rectangular extraction
box containing the spectrum, yet being small enough to avoid large sky
contributions. Finally, there. is the issue of calibration of the spectrum
in flux and wavelength. Wavelength calibration is usually accomplished
by one of two methods: Observation of an astronomical source with
well-defined, known spectral (usually emission) lines or the use of a cal-
ibration lamp shone through pinholes placed at the focal plane. Other
methods include use of known spectral lines in one or more of the im-
aged spectra or the centroid of the zeroth-order image! and a knowledge
of the plate scale to calculate the dispersion per CCD pixel (Schmidt,
Schneider, & Gunn, 1986).

Of the above three concerns, the calibration of the obtained spec-
tra is the most important and the hardest to perform. It is often the
case that slitless spectra are presented as unfluxed, having a spectral
shape dominated by the instrument and detector response, and often
with a wavelength scale that is only approximate. The latter is usually
sufficient, as dispersions of 10-50 A /pixel or more provide wavelength
resolutions of only 10 to 200 A or so. Thus, precise wavelengths are
often unimportant. Providing fluxes for the spectra is a difficult and of-
ten ignored issue (see below), although not always (Schmidt, Schneider,
& Gunn, 1986; Schmidt & Gunn, 1986). Spectra classification, identi-
fication of (redshifted) emission lines, or separation into blue and red
objects are typical goals, none of which require more than relative flux
values.

Two considerations in the determination of the flux from an object
imaged via slitless spectroscopy are background subtraction and image
flat fielding. The determination of the sky background in a CCD image

t The zeroth-order image, while possibly a nuisance, can be used to obtain pho-
tometric information such as an instrumental magnitude or, for time-series slitless
spectroscopy, a light curve.
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of slitless spectra can be confusing. While all the light from the astro-
nomical objects is passed through some sort of dispersing element, so
is the light from the background sky. Thus, at any point on the CCD
detector, the background is a combination of spectrally dispersed but
unresolved sky light. Thus, a “sky” section of the CCD lying adjacent
to an object spectrum is not a true representation of the (dispersed)
background level imaged with the spectrum. Skv subtraction is not a
simple procedure and is often not performed.

Flat fielding a slitless image also presents challenges. We discussed
above how the color terms in a flat field image can have large effects on
the outcome of the calibration procedure. You can imagine that color
terms are even more important in this circumstance, as the flat field light
is imaged and dispersed across the CCD in a hopefully similar manner
to that of your data. As expected, sky flats provide a far better flat field
than dome flats (Schmidt, Schneider, & Guun, 1986,

Let us examine a few slitless spectroscopy systems in detail. The prime
focus universal extragalactic instrument (PFUEI) (Schmidt, Schneider,
% Gunn, 1986; Gunn & Westphal, 1981; Ychmidt & Gunn, 1986) uses
a TI CCD with 15-micron pixels, an image or plate scale of 0.4 arc-
sec/pixel, and a field of view of 30 arcmin. A transmission grating with
75 lines per mm, blazed at 6,500 A, is used to provide a spectral disper-
sion of 35 A /pixel. The transmission grating can be easily removed from
the optical path allowing a direct CCD image to be obtained. When
placed in the beam, spectra of each object within the field of view are
recorded on the CCD. Figure 6.7 shows a portion of a typical slitless
-spectroscopic CCD image obtained with the PFUEL

An innovative setup can combine CCD drift scanning techniques with
slitless spectroscopy. The QUEST instrument [Sabby, Coppi, & Oemler
(1998) and Section 4.6] is such a camera operating on a 1-m Schmidt
telescope and using a CCD array of 16 2,048 x 2,048 Loral CCDs. A
3.2 degree objective prism is employed to provide 401 A /mm dispersion,
yielding a spectral resolution of ~10 A. A cutoff filter is used to stop light
longward of 7,000 A, This cutoff filter reduces the increased red-ward
sky background as well as shortening the length of the imaged spectra,
thus decreasing the chance of spectral overlap. Since a prism is used as
the dispersing element, no zero-order image concerns exist; however, the
spectra do have a nonlinear dispersion. ‘

Figure 6.8 shows a portion of a QUEST drift scan with the prism in
place. The spectra are about 400 pixels long and have the dispersion
direction aligned with the scan direction to avoid spectral clipping at
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Fig. mﬂ A ﬁm.waon of a PFUEI spectroscopic CCD image. The figure is 5.5
arcmin on a side with east at the top and north to the left. Note the mmﬂoi.pl
order {pointlike} images for each spectrum that appear about one spectral
length to their west. The large starlike object near the top middle of the
frame is a saturated zeroth-order image from an object whose spectrum is
off the top of the image. The zeroth-order images are at the positions of the
sources as seen in a direct image and are used in the PFUEI data reduction
to set the wavelength scale. The arrow points to the C IV 1550 A line in a
redshifted 19.5 magnitude quasar. From Schmidt & Gunn (1986).

the CCD edges. No attempt is made to flux calibrate the data but ini-
tial wavelength calibration is accomplished by identification of known
spectral lines detectable in stars.

Slitless spectroscopy is a wonderful tool for obtaining spectra of many
objects sinultaneously and to very faint limits. The simplistic nature
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Fig. 6.8. A 1,000 x 4,000 pixel section of a QUEST CCD drift scan ogm.wama
with the use of an objective prism. The dispersion is parallel to the scan direc-
tion and each spectrum is 200—-400 pixels in extent. Examples of some extracted
spectra are shown on the right. From Sabby, Coppi, & Oemler {1998).
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of the technique makes for an ease of use given that a direct imaging
CCD camera is available. The addition of slitless spectroscopy with large-
format CCDs and CCD drift scanning go even further, aliowing spectro-
scopic identification of many thousands of objects with little additional
effort beyond the direct imaging already in place. Slitless spectroscopy
promises to be an evolving CCD application, yet to have reached its
peak potential.



7

CCDs Used in Space
and at Short Wavelengths

The current high level of understanding of CCDs in terms of their man-
ufacture, inherent characteristics, instrumental capabilities, and data
analysis techniques make these devices desirable for use in spacecraft
and satellite observatories and at wavelengths other than the optical.
Silicon provides at least some response to photons over the large wave-
length range from about 1 to 10,000 A. Figure 7.1 shows this response
by presenting the absorption depth of silicon over an expanded wave-
length range. Unless aided in some manner, the intrinsic properties of
silicon over the UV and EUV spectral range (1,000-3,000 A) are such
that the QE of the device at these wavelengths is typically only a few
percent or less. This low QE value is due to the fact that for these very
short wavelengths, the absorption depth of silicon is near 30-50 A, far
less than the wavelength of the incident light itself. Thus, the majority
of the light (~70%) is reflected with the remaining percentage passing
directly through the CCD unhindered. _

Observations at wavelengths shorter than about 3,000 A involve addi-
tional complexities not encountered with ground-based optical observa-
tions. Access to these short wavelengths can only be obtained via space-
based telescopes or high altitude rocket and balloon flights. The latter
are of short duration from only a few hours up to possibly hundreds of
days and use newly developing high-altitude ultra-long duration balloon
flight technologies. Space-based observations in the high energy regime
from UV to shorter wavelengths usually require detectors to be “solar
blind.” The term solar blind means that the detector must be completely
insensitive to visible light photons. This is generally accomplished by us-
ing a nonoptically active type of detector or through the use of various
types of filters. The majority of astronomical objects emit 104-108 visi-
ble light photons for every UV or shorter wavelength photon; thus even
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Fig. 7.1. Silicon absorption depth (in A) from 1.2 to 8,500 A. The vertical

axis is a log scale with major tick marks starting at 100 and ending at 108,
From Bonanna (1995).

a visible light blocking filter with a 1% UV transmission is not nearly
sufficient to remove optical contamination. In addition, most common
filters used to block visible light also absorb some of the incident higher
energy radiation as well. Use of such absorbing filters cause even a high
QE CCD at UV wavelengths (say 20%) to be reduced to a low effective
QE near 2%.

Long-term exposure to high vacuum can cause contamination of the
dewar in which the CCD resides. This contamination can be through
outgassing of various materials such as vacuum grease or AR coatings,
normally not a problem in well-produced ground-based systems. Expo-
sure to high energy radiation can cause changes in the QE of the CCD or
cause permanent damage to the pixels and electronic structures within
the array. Studies of the effects of high energy radiation and space envi-
ronment observations on CCDs are ongoing at a number of laboratories,
the most famous probably being the Jet Propulsion Laboratory (Janesick
& Elliott, 1992; Janesick, Hynecek, & Blouke, 1981; Janesick, Elliott, &
Pool, 1988; Holtzman, 1990).

Before we discuss the details of observations at wavelengths shorter
than the optical, we need to make a brief detour to look into some special
issues related to space-based observations with CCDs. The more notable
of these issues are the calibration of the CCD throughout the instru-
ment or mission lifetime, the fact that the point spread function is much
smaller than generally obtained with ground-based data, and continual
degradation of the CCD with time as the result of radiation damage.
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7.1 CCDs in Space

Space-based CCDs have a number of special problems associated with
them that are often mot considered for ground-based systems. Once
launched, human intervention is unlikely and the CCD and instrument
package can never be retrieved for fault correction or calibration pur-
poses. Even simple procedures, such as bias calibration, take on new
meaning as CCD evolution or changes in the gain or other CCD elec-
tronics mean new calibration images are needed. Damage to the array
(see Section 7.2), or the possibility that the primary circuits fail and
the backup electronics or even a different clocking scheme must be used,
means that mew calibration images must be produced. Also, each ob-
server does not have the ability to obtain all the needed calibration data
and the project must provide the finest and most up-to-date calibra-
tion images for each CCD, instrument and mode of operation. All issues
have to be thought out completely prior to launch or dealt with through
analysis of downloaded data during the mission.

One such example of a significant change in CCD operation is pro-
vided by the Hubble WFPC2 instrument (Holtzman et al., 1995b). After
operating in space for only about three months, it was noticed that the
CCDs developed an odd sort of CTE effect. The effect caused stars to ap-
pear fainter if imaged in higher numbered rows. The apparent cause was
the development of a large number of traps within the CCDs not seen
during preflight tests. Photometric gradients of 10-15% were present
along CCD columns and, even worse, the effect was highly dependent
on the brightness of the imaged star, being only about 5% for bright
stars. .

Using ground-based laboratory tests with similar electronics and
CCDs, it was determined that changing the operating temperature from
_76°C to —88°C would cause a sharp decrease in the CTE effect. Such
a change caused the CTE variations to almost disappear, leaving only a
3-4% gradient. A further temperature decrease would probably improve
the situation but in-flight hardware did not allow the CCDs to be op-
erated at colder levels. Thus, considerable effort has been put into the
development of a semi-empirical software model that can be applied to
data obtained with the WFPC2 in order to correct for the remaining
effect (Holtzman et al., 1995a; Whitmore & Heyer, 1998).

As a consequence of the CCD operating temperature being lowered, a
decreased dark current was observed. However, on-orbit hot pixel devel-
opment was greater than expected with many of these hot pixels “fixing”
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themselves after dewar warming (Section 7.2). Calibration dark frames
are therefore required offen to monitor the dark current and to provide
the best dark frames to use given any set of observational circumstances.
Hot pixels are especially important to understand in space-based CCD
imagery as the very small PSF of imaged scenes and the appearance of
numerous cosmic rays with a plethora of shapes, including single pixel
events, must be distinguished from the collected flux of interest.

We alluded above to the importance of cosmic ray identification in or-
der to avoid misinterpretation of imaged scenes. For a sample of 2,000 sec-
ond dark images taken with the WFPC2 it was found that 5-10% of the
cosmic ray events were single pixel events of 5 sigma or greater above
the bias level. Fully one half or more of these events showed consistent
pixel positions from frame to frame and thus could not be identified
with true cosmic rays or local radicactivity from the dewar and sur-
roundings. Typical signal levels for true single pixel cosmic ray events
were near 200 electrons while multiple events peaked near 700 electrons
(Holtzman et al., 1995b}. Multiple pixel cosmic ray hits (averaging 7 af-
fected pixels per event) are much more common than single pixel events,
and a rate of almost 2 events per CCD per second was seen.

CCD dewars, once sealed, evacuated, and chilled, are often seen to
produce contaminants owing to outgassing of grease or other coatings
used in their construction. When at operating temperatures of —80°C
or so, the dewar window is a good site for condensation of such contami-
nants. These small particles of material are very good absorbers of light,
particularly UV radiation, because of their characteristic sizes.

One simple calibration test that allows monitoring of this effect is
to obtain fairly regular observations of a bright UV star. If the dewar
window does indeed get fogged with material, careful measurements of
the UV throughput of the observed flux will show a slow degradation.
Even in the best space-based instruments, small amounts of material out
gas, and after several weeks UV performance can be noticeably lower.
One solution that seems to work, at least for the Hubble Space Telescope
WFEFPC2 CCDs, is to warm the dewar to near 20°C for about 6 hours
approximately every month.

Flat fields, as we have discussed before, are very important to have in
one’s calibration toolkit. Once in orbit, either as a satellite or a space-
craft destined for another world, the CCDs aboard generally have little
ability to obtain flat field calibration images. High S/N flats made prior
to launch in the laboratory are often the best available. These usually
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provide overall correction to 5% or a bit better, but small effects, such
as illumination or instrument changes, limit the accuracy of the correc-
tion. Sometimes, the space-based CCD has significant changes, and large
corrections are needed or new flats have to be generated in some manner.

The original WFPC camera aboard Hubble could obtain on-orbit flats
through observation of the bright earth (Holtzman, 1990; Faber &
Westphal, 1991). These were not elegant flats, having streaks and nonuni-
formities, but were all that was available. WFPC2 used Loral CCDs,
which have an increased stability over the original TI CCDs, allowing
preflight laboratory flats to work very well, even after the reduction in
operating temperature. Numerous other small effects, such as color de-
pendence, radiation damage, hot pixels, CCD illumination, and optical
distortions, seen in the on-orbit WFPC2 flats are discussed in detail in
Holtzman et al. (1995b). The effects of flat fielding, CTE, and the other
issues discussed above on the photometric performance of the Hubble
WFPC2 are described in Holtzman et al. (1995a), Whitmore & Heyer
(1998), and Faber & Westphal (1991}

The Galileo spacecraft, currently providing impressive imagery of the
planet Jupiter and its satellites, was one of the first public CCD cameras
to be launched into space. Its CCD camera is described in detail in Belton
et al. (1992) and can be used as an example of the details of space-based
observations, their calibrations, properties, and difficulties. CCD and
instrument stability and processes for their calibration after launch are
major effects to consider as well as proper treatment of the photometric
calibration images in lieu of the much reduced PSF.

"The solid-state imager (SSI) aboard Galileo consisted of a single 800 x
800 TI CCD with a read noise of 40 electrons, gains of 38 to 380 elec-
trons per DN, and a. pixel size of 15 microns yielding 2.1 arcsec per pixel.
The SSI, like the WFPC2, developed a CTE problem after about 8-12
months in space. Detailed study of 5SI images taken during periods of
cruise science (Howell & Merline, 1991) revealed that the CTE problem
resulted in a readout tail containing 400 electrons, independent of the
brightness of an imaged star or its location within the CCD. The cause
was attributed to a trap, not in the active CCD array, but in the out-
put register. Radiation damage {see next section) was the most likely
cause. Owing to the constant number of trapped electrons, photometric
correction was possible to a high degree of accuracy.

Point sources imaged in space are free from the blurring effects of
the Earth's atmosphere and have a very small PSF compared with
those commonly obtained with ground-based telescopes. A theoretical
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diffraction-limited image formed through a circular open aperture will
have a FWHM (of the Airy disk) in radians of

FWHM = @u
D
where A is the wavelength of observation and D is the diameter of the
aperture (Born & Wolf, 1958). Note that if we were to use the radius
of the first Airy disk dark ring as our definition of image size, we would
have the traditional formula

gL

D
Figure 7.2 shows theoretical Airy disk PSFs expected to be imaged by
the SSI at three representative wavelengths and five different possible
slight defocus values.

The FWHM of the SSI images (being obtained without any atmo-
spheric or other seeing effects) were predicted to be about 0.55 arcsec at
4,000 A and 1.2 arcsec at 9,000 A. These PSF sizes correspond to 0.25
and 0.6 pixels respectively, making the SSI images severely undersampled
(r ~ 0.2}. This level of undersampling makes it impossible to directly
determine the true FWHM or profile shape of a PSF. Using multiple
images with slight offsets, images containing multiple stars with differ-
ent pixel grid placements, and model CCD images, one can re-construct
the true PSF imaged by an undersampled space-based CCD camera. In
the SSI case, the PSF was found to be slightly larger than predicted and
attributed to a slight camera focus problem.

As we have seen, undersampled images will lead to astrometric and
photometric error, as the lack of a well-sampled PSF makes it hard
to determine the true image center or the actual flux contained in the
image. For the SSI, astrometric error amounted to about 0.8 arcsec even
for bright stars, or about half a pixel. Observations of bright guide stars
are a common occurrence for spacecraft and are used for navigation and
course correction. Large astrometric uncertainties are hazardous and can
lead to spacecraft orbital trajectories with inaccurate pointings, having
the potential of producing spacecraft course corrections that could cause
it to miss a target or, even worse, come too close. In the Galileo case, it
was determined that a large number of guide star images were needed
and careful analysis of these could be used to determine the path and
navigation of the spacecraft within acceptable limits.

Photometrically, the nature of the undersampling manifests itself in
two ways. First is the way in which one extracts the data and how a flux
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Fig. 7.2. Modeled Airy disk patterns jmaged by the Galileo SSI. The top
panel shows the calculated PSFs as would be seen under very well-sampled
conditions while the bottom panel shows the same PSFs as gw% would appear
when imaged by the SSI. The severe pixelization of the PSFs is apparent. The
rows are for 7,000, 5,500, and 4,000 A (top to ,Uoﬁoﬁ.c and the five columns
are (left to right) defocus values for the SSI camera in mm. From Howell &

Merline (1991).
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Fig. 7.3. Radial profile plot of a bright star imaged by the Galileo SSI. The
plus signs are the actual CCD DN values (for G = 380 e~ /DN) and HWHM
and 7 correspond to predicted values for an Airy disk imaged at 5,500 A. Note
that an approximation as a Gaussian profile is a poor representation of the
actual PSF but the determined EHWHM for a single measurement is not far
off. From Howell & Merline {1991).

value is assigned to it; second is the effect of digitization noise, which
is large for the S8I. Figure 7.3 illustrates the first of these issues by
presenting SSI data for a bright star. Because of the nature of the PSFs
imaged with the SSI, one pixel (plus sign at » = 0.25) contains much
more flux than any of the remaining ones. A standard Gaussian fit to
these data (in this case made by IRAF) is seen to provide a complete
misrepresentation of the image profile. Imagine the photometric error
one would introduce by assumption of this type of profile and use of its
shape as an indication of the total counts observed for this star. The
effective FWHM (EFWHM) is defined as the apparent PSF width as
determinable from a single undersampled image of a star. We see here
that the EHWHM is 0.7 pixels, compared with the expected value (at
5,500 A) of 0.55. The digitization effect present at the highest SSI gain
setting leads to an uncertainty of £379 electrons per DN. The above
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effects combined lead to an overall relative photometric uncertainty of
5-10% and an absolute spectrophotometric uncertainty of 10-30% for
SSI data. These are higher than the 2-5% uncertainties quoted for the
WFPC2 camera and are directly in proportion to the greater under-
sampling and higher CCD gain values used in the Galileo SSI.

Further readings concerning the special conditions and circumstances
of CCDs when used for space-based observations can be found with a
quick search of the websites of the Hubble Space Telescope and other
satellite and spacecraft observatories. Access to numerous internal tech-
nical, engineering, and calibration reports is given as well as litera-
ture articles containing applications of the findings to astrophysical

objects.

7.2 Radiation Damage in CCDs

With the launch of the Galileo spacecraft and the Hubble Space Tele-
scope, astronornical imagery with CCDs from outer space began. With
this exciting new windows on the universe came many unexpected effects
in the performance and output noise levels of the CCDs involved. The
study of radiation damage in CCDs had occurred in a number of military
projects, but the low light and low noise levels needed for astronomy re-
quired new laboratory work and the development of techniques to deal
with or avoid radiation effects altogether.

The hostile conditions expected in outer space were not the only radi-
ation source to be concerned about for CCDs. Satellites in low Earth or-
bit, such as the Hubble Space Telescope, pass through the South Atlantic
Anomaly (SAA) periodically, receiving healthy doses of high energy pro-
tons. Galileo’s radioisotope thermal electric generator (RTG) provides
power for the spacecraft as well as a neutron dose that bathes the on-
board CCD imager. These inherent radiation environments, along with
the general space background of cosmic rays and high energy particles
from such events as solar flares or planetary magnetic fields, cause both
temporary and permanent damage to a CCD in addition to long-term
degradation.

Tronically, as CCDs became better astronomical devices in terms of
their low read noise and dark currents, they also becameé much more sus-
ceptible to damage by high energy radiation. The SAA, for example, pro-
vides about 2,000 protons per square centimeter per second with energy
of 50-100 MeV, for each passage. Galileo’s RTG was expected to produce
10'° neutrons per square centimeter at the location of the CCD over the
expected six year mission lifetime. Passage through J upiter’s radiation
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belts near the moon Io was predicted to provide a 2,500 rad dose of
radiation to the CCD with each orbit. These levels of radiation do in-
deed cause damage to the CCD involved and methods of monitoring the
changes that occur with time and the development of new manufacturing
techniques aimed at radiation hardness were needed (McGrath, 1981).

The two major areas of concern in radiation damage to CCDs are
.Q.v high energy photon interactions, which result in fast electrons, which
In turn cause simple, localized damage defects and the generation of
numerous electron-hole pairs, and (2.) nuclear reactions caused by un-
charged neutrons or high energy protons, which cause large area defects
and are more likely to lead to partial or complete failure of a device
{Janesick, Elliott, & Pool, 1988). The first of these radiation induced con-
cerns is called an ionization effect and involves gamma rays or charged
particles. The second, involving massive particles, is termed a bulk ef-
fect or displacement damage owing to its ability to displace silicon atoms
from their lattice positions within the CCD.

Displacement damage can involve single silicon atoms or bulk dam-
age involving clusters of atoms, all removed from their original lattice
locations within the CCD. The vacancies remaining in the lattice struc-
ture create trapping locations, which in turn cause degraded or no CTE
performance for one or more pixels in the array. As the result of lat-
tice stresses, the trap locations become populated by one or more of the
doping elements such as phosphorus. The presence of 4 phosphorus atom
within the silicon lattice modifies the band gap energies locally and is
thought to be the cause of the observed reduced CTE effects (Srour
Hartmann, & Kitazaki, 1986). q

Repair of single lattice defects has been accomplished by heating the
.OOU (to room temperature or higher), while bulk defects are essentially
impossible to repair. It has been noticed, however, that at low tempera-
ﬁﬁmm.AA —~100°C), the trapped charge accumulated at the defect location
rematns trapped and has little effect on the overall CTE. This temper-
ature dependence has been shown to be proportional to exp{—FEr JET)
where Err is the activation energy of the lattice traps (Janesick, mquQ.
& Pool, 1988). Thus, one way to avoid lattice defects is to operate ?Mw
CCD at temperatures as low as possible. Interestingly, high temperature
owmwmaos (>30°C) allows trapped charge to be released very quickly
eliminating a deferred charge tail and providing good CTE. These 5&.“
ous techniques involving temperature manipulation of a CCD system are
hard to employ in space. The temporal behavior of the CCD involved
can be unpredictable and may be different for each CCD, even those of
the same type.
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Tonization effects, caused by gamma rays or charged particles, cause a
charge buildup in the CCD gate structures and can produce increases in
the CCD dark current. Whereas a 150 keV electron is needed to cause
an actual silicon atom displacement, only a few eV of energy deposited
in the gate insulator is enough to change the potential and cause charge
trapping. Even an intense UV flood (Schaeffer et al., 1990; Ditsler, 1990)
with 2,500 A photons can cause dark current increases or even render the
CCD inoperable. The charge buildup causes new states to exist within
the band gap of the silicon leading to easier generation of thermal elec-
trons and thereby an increased dark current. The afected CCD pixels,
that is, those which have been damaged by the ionizing radiation, will
show increased dark current, while their neighbors will not. Histograms
of the amount of dark current produced as a function of pixel signal
level often show “spikes” of dark current at specific signal levels. This is
taken to indicate a sort of quantized structure in the amount of damage
that occurs per radiation site {Janesick, Elliott, & Pool, 1988).

Methods of protecting CCDs from radiation effects are varied. The

type and amount of radiation expected and the scientific goals of the
imager must be carefully weighed to produce the final compromise. For
example, the CCD flown on the Calileo mission was initially tested for
its ability to withstand gamma radiation similar to that expected in
the Jovian magpetic fields, a test which it passed well. It was proba-
bly by shear luck that a test or two was also performed to understand
its performance when exposed to neutrons. Increased dark current was
prevalent and, without time and money to redesign the imager, opera-
tion at a temperature of —130°C was implemented compared with the
original proposed value of —40°C. In the case of the Hubble Space Tele-
scope CCDs, the increased dark current was not a large factor because
of their initially colder operating temperature, but long-term degrad-
ing CTE and QF effects were noticed (Holtzman, 1990) and attributed
to in-orbit radiation damage. A detailed report of the detectors in the
Hubble telescope is contained in Brown (1993} and considerations on im-
proving the ability of CCDs to counteract the effects of radiation are dis-
cussed in IEEE Nuclear Science Symposium (1988) and Bely, Burrows, &
Ilingworth (1989).

7.3 CCDs in the UV and EUV (300-3,000 A) Spectral Range

Progress in the use of CCDs for UV and EUV observations has occurred
on two main fronts. Coatings applied to the CCDs to down-—convert high
energy photons to visible light photons is one method. The other method
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involves new manufacturing techniques that allow short wavelength pho-
tons to penetrate the silicon even given the very small absorption depths
at these wavelengths.

Coating the CCD with a UV phosphor has been discussed previously
in this book (Chapter 2) with regard to enhancement of the near-UV
wavelength range. These same coatings can often increase the QE of a
CCD to usable levels, down to wavelengths as short as 500 A. Lumogen, a
UV phosphor that absorbs photons of A < 4,200 A and reemits their m,u;
ergy near 5,200 A, is a popular choice. This inexpensive material is ther-
mally deposited onto the CCD surface while under vacuum into a layer
about 6,000 A thick. Use of Lumogen as a coating delivers a QE from
500-4,000 A of around 15% (yielding about 3% with a solar blind filter
in place) and actually increases the intrinsic QE from 5,000-8,000 A, as
it acts as an antireflection coating. Phosphor coatings can be deposited
onto either front- or back-side illuminated CCDs (McLean, 1997¢). Other
coatings such as coronene and Metachrome IT are also used for UV and
EUV enhancement (Trauger, 1990; Geary et al., 1990; Schempp, 1990).

Modern manufacturing processes have again come to the rescue
through the development of techniques that allow the CCD itself to
have more sensitivity to short wavelength photons. We have mentioned
before that the gate structures of a CCD can absorb short wavelength
photons before they enter the actual pixel itself, thus reducing or elimi-
nating the collection probability at these wavelengths. Solutions to this
problem consisted of using a back-side illuminated, thinned device or
making CCDs with transparent gates. Both of these techniques can be
further improved and employed for detection of UV and shorter wave-
length photons. _

During the thinning process, the back side of a CCD forms an ox-
ide layer, which can include a surface layer of incomplete bonds that
are positively charged. With the very short absorption depths for UV
and shorter wavelength photons, any photoelectrons produced within
the silicon are more likely to be attracted to the positive bonds where
recombination occurs, and not to the pixel potential well for collection,
storage, and output. Various techniques have been developed to reduce
the number of positive incomplete bond sites that exist in a thinned
CCD (Janesick et al., 1985; Janesick et al., 1989; Baily et al., 1990}. Ad-
ditionally, methods that allow removal of the oxide layer produced in the
thinning process have been developed and consist of precision etching of
the oxide layer under controlled conditions (Bonanna, 1995). |

Recent detailed work, aimed at understanding the characteristics and
performance of CCDs in the wavelength range of 300-4,000 A, has been



140 “~ CCDs Used in Space and at Short Wavelengths

performed. The laboratory setup used and various types of short wave-
length enhanced CCDs produced and tested are described in Bonanna
(1995), which concludes that QE values of 10-60% can be achieved over
the wavelength range of 300-2,500 A. These same CCDs also have up to
80% QE at 6,000 A. Phosphor coatings and manufacturing improvements
are about equal in their ability to enhance UV and EUV performance;
however, both types of improvement appear to show a decrease in their
QE with time, once the CCD is cooled and put under vacuum. Contam-
ination by outgassing within the vacuum and subsequent freezing of the
contaminants onto the CCD surface are thought to be the most likely
cause of the reduced QE.

To overcome the low QE of CCDs at short wavelengths, even after
the above enhancements have been performed, some high-energy appli-
cations employ standard unmodified CCDs as detectors, preceded in the
optical path by a device such as a microchannel plate (MCP). MCPs can
produce up to about 500,000 electrons per incident high energy photon,
and this electron cloud strikes a phosphor coated photocathode pro-
ducing visible light photons that are collected and imaged by the CCD
(Eccles, Sim, & Tritton, 1983). MCPs operate at high voltages (a few
keV) and are inherently solar blind as they require high energy pho-
tons for activation. Final QE values of up to 20% are possible with a
well-constructed device. This increased QE is the largest advantage of in-
struments that use intensified CCDs, while poor spatial resolution, phos-
phor decay effects, and smaller dynamic range (compared with a normal
CCD) are the major disadvantages {McLean, 1997¢; Longair, 1997).

7.4 CCDs in the X-Ray (<500 A) Spectral Range

Figure 7.1 provided hints that CCDs may also be useful detectors for
the X-ray region of the spectrum, as the absorption depth within silicon
rises shortward of about 1,000 A. Figure 7.4 shows us a similar result,
only this time we express it as the quantum efficiency of the CCD as
a function of photon energy or wavelength. We note that within the
X-ray region, back-side thinned CCDs are extremely efficient detectors,
approaching a quantum efficiency of 100% at times. Currently planned
X-ray telescopes such as XMM and AXAF are using CCDs as their
detectors (Longair, 1997).

X-ray detection by CCDs works in a slightly different manner than
detection of optical photons. An incident optical photon creates a pho-
toelectron within the silicon lattice, which moves from the valance to
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Fig. 7.4. Quantum efficiency for a typical thinned, back-side illuminated CCD
from the X-ray to the optical spectral regions. From Janesick et al. (1988).

the conduction band and is then held there {in a pixel) by an applied
potential. The absorption of an X-ray photon by silicon ejects a free
photoelectron of energy E — b, where E = hv and b is the binding en-
ergy of the electron to the silicon atom, typically 1,780 eV. As this free
electron moves through the silicon lattice, it produces a trail of electron—
hole (e-h) pairs, each requiring an average of 3.65 eV of energy to be
produced. If all the energy of the free electron went into e-h pair pro-
duction, the energy of the incident X-ray could be precisely knowable
simply by counting the ADUs produced within the CCD pixels. How-
ever, a small undetermined amount of the free electron’s energy goes
into various phononic states of the silicon lattice, thereby causing some
uncertainty in the value of the incident photon’s energy. The level of
this uncertainty, the “Fano” factor,! is so small that to obtain Fano-
noise limited CCD performance, the CCD read noise must be less than
about 2 electrons (Janesick et al., 1988).

‘T'here are two very interesting characteristics of using CCDs for X-
ray detection. One, just alluded to above, is that X-ray imaging with
a CCD provides not only an image but also the ability to produce a
spectrum from the image. Each incident X-ray photon collected produces
a measureable number of e-h pairs, thus yielding a method by which one

t The term m,wnmv factor is due to U. Fano who, in 1947, formulated a description of
the uncertainty in the energy of ion pairs produced in 2 gas by ionizing radiation.
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can backtrack and obtain the incident photon energy (Longair, 1997).
X-ray detection can also be used as an excellent diagnostic tool of the
CTE of a CCD. Using, for example, a 3°Fe source (which produces X-tay
photons due to the 5.9 keV Ko Fe line), each absorbed X-ray photon will
deposit 1,620 electrons into each pixel. Acquisition and examination of
a 55Fe CCD image can help discover problems with the device (Janesick
et al., 1988; Janesick et al., 1987b). CCD pixel defects or problems with
the associated electronics manifest themselves as pixels in the array with
less than 1,620 collected electrons, smeared charge trails showing poor
CTE, and other visible diagnostic events.

The use of CCDs as detectors for X-ray imaging and spectroscopy is
still in an early phase. This chapter has provided a very brief introduc-
tion to the use of CCDs for detection and study of photons with energies
higher then those in the optical wavelength region. The literature is just
beginning to grow with articles related to high energy uses of CCDs in
astronomical observations. For example, the laboratory work involved

'in the realization of the CCD detectors for the AXAF and XMM satel-
lite missions has involved the development of new technologies and new
analysis procedures. The interested reader is referred to the recent works
by McLean, Longair, and others listed in Appendix A.

A
CCD Reading List

This appendix provides a reading list covering the aspects of CCD devel-
opment, research, and astronomical usage. There are so many articles,
books, and journal papers covering the innumerable aspects of informa-
tion on CCDs that the material presented in a book this size or any size
can only cover a small fraction of the details of such work. Even the list
presented here does not cover all apsects of interest concerning the use
of CCDs in astronomy, but it does provide a very good starting point.
The growth of information on CCDs has risen sharply over the past ten
years and will, no doubt, continue to do so. Thus, the student of CCD
science must constantly try to keep up with the latest developments both
in astronomy and within the field of opto-electronics, both areas where
progesss is being made.

This appendix lists the reading material by broad catagory, but keep
in mind that many works contain information on specific charateristics of
certain types of CCD as well as information as to their use and problems.
Scientific journal articles are not listed here since they are referenced
within the papers presented, are provided throughout the text, and are
easily searched for using the journal indexing systems provided in printed
and web based forms. .

Numerous nontechnical articles related to CCDs have appeared in
such magazines as Astronomy, Sky & Telescope, Sciendific American,
and CCD hﬁéﬁoﬁ@.* The reader is cautioned that in-some of these
descriptions of CCDs, the details are not always completely correct nor
have the methodologies always been rigourously tested. However, some
of the “popular” articles contain a wealth of information that would be

1 CCD Astronomy is no longer published but has been incorporated into Sky &
Telescope.
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unlikely to appear elsewhere. We refer the reader to the websites of these
magazines for a list of relevant articles.

Every major observatory is a storebhouse of knowledge on CCDs. They
have websites filled with useful information, large numbers of engineer-
ing and technical reports covering aspects of instrument design and con-
struction, manuals for the observatory instruments available, and often
newsletters that contain very worthwhile information on their particular
CCDs. Many laboratories working on CCDs also have websites that are
extremely valuable (see Appendix B).

A.1 General CCD References
Listed below are some general references containing details on CCDs.

They are listed by year of publication, and the end of the list contains
yearly or periodic references.

Eccles, M. J., Sim, M. E., & Tritton, K. P., 1983, Low Light Level De-
tectors in Astronomy, Cambridge University Press.

Borucki, W. Hw« Young, A., eds., 1984, Proceedings of the Workshop on
Improvements to Photometry, NASA Conference Publication 2350.
Dereniak, E. & Crowe, D., 1984, Optical Radiation Detectors, Wiley.
Hearnshaw, J. B. & Cottrell, P. L., eds., 1986, Instrumentation and
Research Programmes for Small Telescopes, D. Reidel.

Walker, G., 1987, Astronomical Observations, Cambridge University
Press.

Borucki, W., ed., 1988, Second Workshop on Improvements to Photom-
etry, NASA Conference Publication 10015.

Robinson, L. B., ed., 1988, Instrumentation for Ground-Based Optical
Astronomy, Springer-Verlag.

Jacoby, G. H., ed., 1990, CCDs in Astronomy, ASP Conference Series
Vol. 8.

Philip, A. G. D., Hayes, D., & Adelman, A., eds., 1990, CCDs in As-
tronomy II: New Methods and Applications of CCD Technology, L. Davis
Press.

Howell, S. B., ed., 1992, Astronomical CCD Observing and Reduction
Techniques, ASP Conference Series Vol. 23.

Butler, C. J. & Elliot, I., eds., 1993, Stellar Photometry- Current
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Techniques and Future Developments, IAU Colloguium 136, Cambridge
University Press.

Kilkeny, D., Lastovica, E., & Menzies, J. W., eds., 1993, Precision Pho-
tometry, South African Astronomical Observatory Publication.

Sze, 8. M., 1994, Semiconductor Sensors, Wiley. ,

Philip, A. G. D., Janes, K., & Upgren, A., eds., 1995, New Developments
in Array Technology and Applications, IAU Symposium No. 167, Kluwer.

Reike, G., 1996, The Detection of Light from Ultrauiolet to the Submil-
limeter, Cambridge University Press.

McLean, L. 8., 1997, Electronic Imaging in Astronomy, Wiley.

Longair, M., 1997, High Energy Astrophysics, Vols. 1 & 2, Cambridge
University Press.

Holst, G. C., 1998, CCD Arrays, Cameras, and Displays, SPIE Press.
Beletic, J. W. & Amico, P., eds., 1998, Optical Detectors for Astronomy,

Kluwer.

Martinez, P. & Klotz, A., 1998, A Practical Guide to CCD Astronomy,
Cambridge University Press.

Modern Technology and Its Influence on Astronomy, Chapters 20 and
21, J. V. Wall & A. Boksenberg, eds., Cambridge University Press.

Photonics Handbook. Yearly editions available from Laurin Publishing
Company Inc., Pittsfield, MA.

Optical Engineering. The primary journal of the International Society
for Optical Engineers, has numerous special editions devoted to CCDs.

Proceedings of SPIE. The International Society for Optical Engineering.
Numerous volumes over the past twenty years or so. Of special interest
are the volumes on “Instrumentation in Astronomy,” and “Advanced
Technology Optical Telescopes.”
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CCD Manufacturers
and CCD Website Information

Table B.1 lists present day CCD manufacturers and this appendix lists
internet sites of interest to CCD users. In addition to the companies that
make CCDs, a number of other internet locations provide detailed infor-
mation of interest. These are laboratories that study, characterize, and
modify CCDs for astronomical use, manufacturers of CCDs and com-
plete systems, and software houses that specialize in CCD codes. The
list below is not exhaustive but does provide a good jumping off point.
A search of the internet using “CCD” will provide at least an afternoon
of reading material and numerous other sites to visit. ,

Solid State Devices Group at the University of Leicester
http:/ /www.starle.ac.uk/solidstate/ssdg.html
University of Arizona, Steward Observatory, CCD Lab
http://sauron.as.arizona.edu/ccdlab/
CCD Section of the Electronic Universe Web Project
http:/ /zebu.uoregon.edu/ced.html
San Diego State University CCD Lab
http:/ /mintaka.sdsu.edu/ccdlab/LabMain.html
University of Hawali CCD Lab
http://ced.ifa.hawaii.edu/
MIT CCD X-Ray Group
http:/ /space.mit.edv/ACIS/Welcome.html
European Southern Observatory
http:/ /www.hg.eso.org/odteam/generalced /generalced html
National Optical Astronomy Observatories (KPNO & CTIO}
http:/ /www.noao.edu/
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Hubble Space Telescope

* http://www.stsci.edu/

Royal Observatory
http://www.roe.ac.uk/

South African Astronomical Observatory
http://www.saao.ac.za/

Anglo-Australian Observatory CCD Imaging manual
http://www.aao.gov.au/local/www/cgt/cedimguide /manula.html

Joint Astronomy Center in Hawail
http:/ /www.jach.hawaii.edu

UCO/Lick Detector lab
http://gardiner.ucolick.org/cedev/ceddist.html

CFHT CCD Selection
http://www,cfht.hawaii.edu/manuals/detectors/ CFHT_CCD.html

In Situ Tests for CCDs at the Telescope
http://www.cfht.hawaii.edu/tmca/top/top.html

Photometrics Corp.
http://www.photomet.com/

Scientific Imaging Technologies (SITe): CCD Tutorial
http:/ /www.site-inc.cotn/tutorial htm

Royal Greenwich Observatory CCD Page
http://www.ast.cam.ac.uk/apo/docs/ccds.html

CCDs at the La Palma Observatories
http:/ /www.ing.iac.es (see information for users)

Apogee Instruments Inc.
http://www.apogee-ccd.com/

PixelVision Inc.
http://www.pv-inc.com/

Princton Instruments
http://www.prinst.com \

SpectraSource Instruments
http:/ /www.optics.org/spectrasource/

QObservatory Techniques Magazine (amateur)
http://home.midco.net/otm/OTM.HTML

Osservatorio Astrofisico di Catania, Istituto di Astronomia
http://www.ct.astro.it/

Osservatorio Astrofisico di Catania, Istituto di Astronomia: CCD Lab
http://www.ct.astro.it /ccdlab/index.html
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Table B.1. CCD detector manufocturers

Company
Company Location CCD Name CCD Types
Dalsa Inc. Ontario, Canada  Various Large formats;
‘small pixels

Eastman Kodak Co. Rochester, NY, Kodak Large formats;

USA small pixels
EG&G Reticon Sunnyvale, CA, EG&G Various

Usa
English Electric Valve Essex, England EEV Scientific; X-ray
Loral/Fairchild Newport Beach,  Fairchild/Ford Large formats

Imaging Sensors CA, USA

MIT/Lincoln Labs
Orbit Semiconductor
Philips

David Sarnoff

Research Center

Scientific Imaging
Technologies

Texas Instruments

Thomson

Lexington, MA,
USA

Sunnyvale, CA,
USA

Eindhoven,
Netherlands

Princton, NJ,
UsSA

Beaverton, OR,
USA

Dallas, TX, USA

Cedex, France

Lincoln Labs

Orbit

Philips

Various

SlTe

TI

Thomson

High speed read
out; low noise

Very large formats

Unique CCDs,
new products

Various

Various

Various

Various; large
formats
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Table B.1. {Continued)

Internet Web Address Comments

Designs CCD systems;
fabricates CCDs via
foundaries

Wide range of CCD types;
interline and frame

. transfer devices

— , Developed large format
arrays with Lick
Observatory

High performance scientific
devices; close ties to
astronomy; foundry runs

— Close ties with astronomy;
foundry runs; Fairchild 4+
Ford Aeronutronics

Federally funded R&D
facility, not publically
available

CMOS and CCD foundaries;
produce CCD foundary

http:/ /www.dalsa.com/

http:/ /werw.kodak.com/

http://eco-web.com/register/00281.html

http:/ /www.ll.mit.edu/

http:/ /www.eedesign.com/VendorGuide/Orbit.html

: runs
http://207.87.19.21/ CCDs produced for internal
use
http://www.sarnoff.com/ Former RCA Labs; contract
work

Former Tektronix imaging
group; foundry service

No longer produces scientific
grade CCDs, industrial
and consumer varieties

Scientific & commercial
CCDs: close ties with ESO

http:/ /wrww . site-inc.com

http:/ /[wrww.ti.com/sc/docs/msp/ced.htm

http://www.esi.es/ About.esi/Members/thomson.html
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Some Basics of Image Displays

Most computer screens and image displays in use are 8-bit devices. This
means that the displays can represent data projected on them with
98 — 956 different greyscale levels or data values of resolution. These
greyscale levels can represent numeric values from 0 to 255 and it is
common to only have about 200 levels actually available to the image
display for representing data values with the remaining 50 or so values
reserved for graphical overlays, annotation, etc. If displaying in color
(actually pseudo-color), then one also has available about 200 separate
colors, each with a possible grey value of 0—255, or the famous “16 million
possible colors” listed in many computer ads. ,

On the display, the color black is represented by a value of zero (or
in color by a value of zero for each of the three color guns, red (R),
green {G), and blue (B)). White has R = G = B = 255, and various
grey levels are produced by a combination of R = G = B = N, where
N is & value from O to 255. Colors are made by having R # G # B or
any combination thereof in which all three color guns are not operated
at the same intensity. A pure color, say blue, is made with R = G=20
and B = 255 and so on. You may have noticed that color printers have
three (or four) colors of ink in them. They contain cyan, blue, and ma-~
genta (and black) inks, which are used in combination to form all the
output colors. This difference (cyan ete. vs. RGB) in the choice of colors
is simply because display screens mix light whereas printers mix ink to
form specific colors.

"Terms one hears but rarely uses in astronomy are hue, saturation,
and brightness. Hue means the color of the image, saturation is the
relative strength of a certain color (fully saturated = 1), and brightness
is the total intensity of a color where black = 0. When you change colors
(RGB} you are really changing the hue, saturation, and brightness of
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the image display. These three terms are fully explored in Gonzalez &
Woods (1993) as well as in almost any text introducing image processing
techniques.

Almost all OCD data obtained today have a dynamic range of much
greater then 8 bits. Thus, in order to display the CCD image, some form
of scaling must be performed to allow the image to be shown on a display
with only 8 bits. A common technique (often performed by the software
without user intervention) is called linear scaling. This type of scaling
divides the entire true data range into say 200 equal bins, where each
bin of data is represented by 1 of the 0-200 available greyscale levels.
In a pseudo-color representation, the 200 levels are further divided into
three bins, one for each color. For example, if an image has real data
values in the range from 0 to 100,000 ADUs, linear scaling will place the
real data values between 0 and 500 ADU into the first scaled bin and
will display them as a 0 on the screen. If your image is such that all the
interesting astronomical information have real values of 0 to 2000, this
linear scaling scheme will represent all the real image information for
the values of 0 to 2000 within only 4 display bins, those having values
of 0—4.

To avoid such poor scaling and loss of visual information, two alterna-
tives generally exist: Either one uses a linear scaling but within a specific
data window or one uses a different type of scaling altogether. The first
option is accomplished by having the software again perform a linear
scaling but this time using its 200 output display levels to scale image
data values only within the data window of say 0 to 2000. Different scal-
ing options allow for nonlinear modes such as log scaling, exponential
scaling, histogram equalization, and many others. These are easily ex-
plored in any of the numerous image processing software packages used
today. _

A method commonly used to aid the eye when viewing a displayed
image is that of interactive greyscale manipulation. You probably know
this as changing the image stretch or contrast and perform it via move-
ment of a mouse or trackball while displaying an image. The actual
change that is occurring is a modification of the relation between the
input data values to those output to the display screen. The software
mechanism that controls this is called a look-up table or LUT. Some
sample LUTs are shown in Figure C.1, where we see the relation of in-
put to output data value. For greyscale images, all three color LUTs are
moved in parallel, while in pseudo-color mode, each color LUT can be
individually controlled. Changes in the slope and intercept of the LUT
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Fig. C.1. The top panel shows an example LUT, which converts input wwu.mmﬂ
values or grey levels to output grey levels on the video display. In this partic-
ular case, an input pixel value of 64 will be displayed with a grey level value
of 80. Note that the relationship between imput and output is not a single-
valued linear transformation. The bottom panel shows various linear stretch
operations. If the mapping passes through the origin and has a slope >1, the
effect will be to increase the output contrast. A slope of <1 decreases the con-
trast. If the linear mapping intersects the y axis (i.e., the output value axis)
the input values will be systematically shifted to higher output grey levels.
Intersecting the horizontal axis causes a net shift to lower output grey levels.
From Gonzalez & Woods (1993).
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transfer function control changes in the image brightness, contrast, and
color. Terms such as “linear stretch” simply refer to a LUT using a linear
transformation function.

In the above discussion, we have discussed pseudo-color, but what
about true color? True color attempts to display imagery in a manner
that is similar to how our eye might perceive a scene. In the visible
bandpass, this amounts to trying to match the RGB response of our
eye by displaying three separately scaled 8-bit images. Thus, true color
displays must have a way to display three separate 8-bit images at once.
This is done using a 24-bit display consisting of three individual 8-bit
image planes. For true color representation of data from outside the
range of the human eye, the user must approximate what the scene
might look like in each of the three “colors.” The user or display software
creates some method of scaling the nonvisible data to the RGB values
within the display device itself.

Further information on general image processing techniques can be
found in Gonzalez & Woods (1993), while additional details on image
displays can be found in Hanisch (1992). User manuals for astronomical
image processing software packages such as IRAF and MIDAS often have
numerous examples and routines useful for dealing with CCD imagery.
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Index

Absolute photometry, 91, 93

Alry disk, 133

Analog-to-Digital converter (A/D}, 17,
22-25, 38, 40, 4344

Analog-to-Digital Unit (ADU), 11, 24,
39

Antiblooming CCD, 16

Antiblooming gate, 17 .

Antireflection coating, 22, 28

Antireflection, 129

Aperture corrections, 91

Aperture photometry, 84, 83

Arc lamp, 102

Astrometry, 75, 94-96

Atmospheric extinction, 756

Atomic physics, 100

AXAF, 140, 142

Background annulus, 80

Background histogram, 82-83

Back-side illuminated CCD, 14, 28, 95,
139

Bad pixels, 64

Balloons, 128

Band gap energy, 9

Bandpass, 5, 105, 113, 120

Bell Labs, 4

Bias image, 37-39, 49, 52-53, 58

Binning (pixel}, 35-37, 117

Bits (in A/D), 40

Bright source (definition of), 55

Brightness, 150

Buried channel CCD, 13

Calibration spectra, 108
CCD equation, 54-55, 57, 89
Celestial equator, 72 ,
Chandra, 140, 142

Charge skimming, 13

Charge Transfer Efficiency (CTE), 10,
13, 105, 130, 132, 137

Charged-coupled device (CTD) (see
various types)

Clocks (CCD3, 9, 10, 19

Clouds, 68

Coatings, 6, 21-22, 138

Conduction band, 9, 141

Controlier {(CCD)), 25

Coronene, 22, 139

Correlated double sampling (CDS}, 24

Cosmic rays, 39, 131

Coudé feed, 101

Dark current, 19, 26, 32, 35, 130131,
138 '

Dark image, 58

Data number (DN), 24, 30

Data reduction (for CCDs), 58-60

Dawn, 49

Dead columns, 64

Deferred charge, 13

Dewar, 33, 50, 108, 117, 131

Differential photometry, 75, 91, 93

Differential refraction, 95, 110-112

Digital number (DN), 11, 23

Digitization noise, 25, 43, 56, 81, 135

Discretization, 31

Dome flat, 49, 51, 124

Double spectrograph, 105

Doughnuts, 64

Drift scanning, 69-73, 124

Dusk, 49

Dye, 22

Dynamic range, 13, 189, 39, 4344, 108,
140, 151

Echelle spectroscopy, 105
EEV CCD, 68
Electron-hole pairs, 9, 28, 137, 141
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162 — , Index

Electrons, 7

Electro-optical tracking, 71

Extended object spectroscopy, 118-121
Extreme ultraviclet light, 128, 138
Eye, 29

Fabry—Perot spectroscopy, 120-121
Faint source (definition of), 55
Fairchild CCD, 5, 101

Fano-noise limited, 141

Fat zero, 13

Fe K-alpha line, 142

Flat field image, 15, 48-53, 58, 69, 71,
. 108, 124, 131

Flux (stellar), 84

Focal ratio, 47

Four-phase device, 20

Frame transfer CCD, 15

Free spectral range, 105

Fringing, 63, 111

Front-side illuminated CCD, 14, 22, 28,

139
Frying pans, 1

Full well capacity, 12, 17, 19, 35-36, 40,

44

Gain, 11, 25, 38-39, 43, 52-53, 56,
130

Galaxies, 50

Galileo spacecraft, 132, 136, 138

Gamma rays, 137-138

Gates, 9, 13-14, 19-20, 27-28, 95
" Gaussian distribution, 52

Gaussian function, 85, 99, 135

Geld, 14

Grayscale, 150

Grens, 122

Grism, 121

Growth curves, 91

High resolution mode, 36

Histogram equalization, 151

Holes, 7

Horizontal shift register, 11

Hot pixels, 64, 130, 132

H-R diagram, 93

Hubble Space Telescope, 130131, 136,
138

Hue, 150

Image display, 150-153
Image scale, 47

Image smear, 72
Image-dissector scanners, 4
Infrared arrays, 1

Infrared light, 21
Integrating sphere, 49

Interline CCD, 15

Intrapixel quantum efficiency effects,
. 107

Isaac Newton Telescope (INT), 66

Jet Propulsion Laboratory {JPL), 4, 129
Johnson photometric system, 51, 84
Jupiter, 132, 136

Kitt Peak National Observatory, 44, 101
Kodak, 35

Late-type stars, 95

Light emitting diodes (LEDs), 64
Linear stretch, 153

Linearity, 40, 42, 100, 104
Liquid mirror telescope, 72
Liquid nitrogen (LN2), 33-34
Long slit spectroscopy, 118-121
Look-up table (LUT), 151-152
Loral CCD, 48

Lorentzian function, 85

Lucy smoothing, 83

Lumogen, 22, 139

Magnitude (stellar), 44, 83
Marginal sums, 79
Median filter, 82
MEGACAM, 66, 68
Metachrome, 139
Microchannel plate, 140
Microdensitometer, 77
Moffat function, 85
Mosaic (of CCDs), 61, 66, 70
Multiobject spectroscopy, 105
Multipinned phase CCD Qcmmdu mode),
19, 35

National Qptical Astronomy
Observatories (NOAO), 2
Newton's rings, 63
Night sky ernission lines, 63
Nomenclature, 2
Non-Gaussian PSF, 80
Nonlinearity, 13, 41-42 -
Nyquist sampling, 97, 105-106

Observatorio del w.on:o de los
Muchachos, 21

On-chip amplifier, 24, wp

Optical double star, 48 ..

Optimal sampling, 105-106

Optimum aperture, 89

Order sorting filters, 111

Orthogonal transfer CCD AOHOOUY
19, 20

Qutput amplifier, 11

Indez , o 163

Output shift register, 11, 20
Overscan, 37-38

Parallacticangle, 111

Partial pixels, 81, 84

Peltier cooler, 35

Phosphots, 6, 22, 138-140

Photodiode, 30

Photoelectric effect, 89

Photoelectron, 7

Photographic plates, 5, 29, 68, 100

Photometry, 50, 75-94 .

Photomultiplier tube (PMT), 29, 93-94

Photon absorption length, 27

Photon counting array, 15

Photon statistics (see Poisson statistics)

Physics of extreme environments, 100

Picture element, 2

Pixel {definition), 2

Pixel mask fitting, 85

Pixel sampling, 96

Pixel size, 35, §9

Pixel-to-pixel variations, 48

Plate scale, 47, 56

Point source (definition of), 101

Point source intensity, 83

Point spread function (PSF), 69, 79,
85-87, 97, 99, 110, 133, 135

Point spread function fitting, §4-87

Poisson distribution, 33, 53-54, 57, 94

Polycrystalline nicbiurm, 20

Pre-flash, 13

Prism, objective, 121-122, 124

Projector flat, 49

Pseudo-color, 150

vsﬁ?rm_mg spectroscopy, 21

Qﬁmb».:up Efficiency (QE), 5, 12, 14, 21,
26, 28, 30, 95, 100, 106, 128, 141

O.cmhdﬁa Emormbmnm, 100

Quartz lamp, 49-51, 102

Radial velocity, 110

Radiation nwﬁmwm, 30, 129, 132,
136-138

Read noise, 26, 30-32, 39, 52-53

Reading list, 143-145

Readout noise (see read ﬁo,mmv

Red leak, 113

Reticon, 100

RGB, 150, 153

Rockets, 128

Royal Greenwich Observatory (RGO),
2,43

S/N equation {see CCD equation)
Sampling parameter, 96, 99

 Saturation (CCD), 17, 41-42

Saturation (color}, 150

Schmidt telescope, 69, 70, 73, 105, 121

Sci-fi movies, x

Shivers, 48

Shutter, 70

Signai-to-Noise (S/N), 4, 26, 49-50,
53-58, 113-114

Silicon, 1, 28

Silicon Intensified Target (SYT), 4

Sky annulus, 80, 82

Sky background, 110

Sky flat, 49, 69, 124

Sky subtraction, 117, 124

Slitless spectroscopy, 121123, 125, 127

Sloan digital sky survey (SDSS), 7

Software aperture, 83, 88

Solar blind, 128, 140

South Atlantic Anomaly, 136

Space-based observations, 128, 130-138

Spacewatch telescope, 72

Spatially flat, 50

Spectral resolution, 104

Spectrally fiat, b0

Spectrographs, 102-109

Spectrophotometric standard star, 30,
117

Spectropolarimetry, 109

Spectroscopy, 44, 100-127, 142

Stellar photometry, 50, 75, 77

Stromgren photometric system, 84

Substrate, 14

Superconducting tunnel junction diode
(STJ), 20

Superpixel, 36

Surface brightness, 44

Surface channel CCD, 12

Thermal electrons, 32

Thermal noise, 19

Thermoelectric cooling, 35, 58

Thick CCD (see Front-side illuminated
CCD)

Thinned CCD {see Back-side
illuminated CCD)

Thomson CCD, 56

Three-Phase device, 9

Tirne-Delay integration (TDI), 6973

Tip-Tit correction, 20

Transmission grating, 122, 124

Traps, 13, 130, 137

True color, 153 .

Twilight sky, 50-51

Two-dimenstonal profile fitting, 85

Uitraviolet light, 21, 129, 131, 138
Undersampled data, 85, 97, 107, 133
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Upanus, 4

# Flood, 138

V flter, 51

Valence electron, 9

Vega, 93
Vidicon, 4, 29
Vignetting, 49

WFPC, 132
WFPC2, 130, 136

Index

Wide-Field Camera {WFQC), 66
‘Wide-Field CCD imaging, 66, 69
Windowing (CCD), 35, 37

KMM, 140, 142
X-rays, 20, 140, 142
XK Cet, 119

Zenith distance, 69; 95
Zero image, 37
Zeroth-order image, 123-124




